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Dedecim, keşke sen de görebilseydin benim bu tuhaf hierogliflerimi. . .



Acknowledgements

It is a true privilege to be in this position. I want to acknowledge this before I begin

to thank those who have supported me throughout the past four years.

I would like to start by thanking my PhD supervisors, Professor Anvar Shukurov,

Dr Andrew Fletcher, and Paul Bushby. I have benefited tremendously from your

collective wisdom and knowledge, as well as your willingness to allow me to explore

the possibilities in a research area that I have enjoyed thoroughly. I would also like

to thank my colleague, collaborator and friend Dr Frederick Gent. It has been an

honour to continue the work you started, and to have the pleasure of continuing it

alongside you. My visits to Finland have been possible, productive and very fun

thanks to you, Maija and Maija’s lovely family.

I started my PhD a year after two of my friends, who happened to be PhD students

in the same research group. Dr James Hollins and Dr Amit Seta, it makes me very

proud to be able to refer to your by your proper academic titles. Your friendship

and support have been a true joy throughout the years. A particular highlight was

when I (and a few other kindred souls) managed to get lost on the French Alps on

a particularly foolhardy ‘field trip’ during the Les Houches conference, and received

a text from James saying “Are you alive?”. I worry, retrospectively, that some of

my conference misadventures may have aged James unduly.

There are a number of lovely people with whom I have shared this experience: Jack

Walton, Laura Wadkin, Liam Dobson, Alex Hindle, Jack Kennedy, Rathish Rat-

nasignam, Robert Bickerton, Francesca Fedele, Sophie Harbisher, Joe Reid, Marios

Bounakis, Cameron Williams, Em Rickinson, Dr Thomas Bland, Clarissa Barratt,

Hayley Moore, Ryan Doran, Devika Tharakkal, Dimitris Chiotis, Horacio Guerra,

Yameng Ji. Thank you for making the experience all the more enjoyable and worth-

while.

I have met a number of postdoctoral researchers who have given me hope that it is

possible to survive a PhD; Dr Luiz Rodrigues, Dr Chris Hales, Dr Irina Makarenko,

Dr Ilke Canakci, Dr Philipp Edelmann, Dr Sirio Orozco Fuentes. Thank you for the

discussions, ideas and for bestowing the hope of survival.



I would like to say a huge thank you to Dr Michael Beaty, John Nicholson and Dr

George Stagg for all the help you have given me with the numerous computational

challenges (some self-inflicted) that I have faced throughout my studies. I would

also like to thank the school office and admin Jackie Martin, Jackie Williams, Helen

Green, Lauren Daley, Maria Adair, Lauren Thompson, who work tirelessly to ensure

that the ship always runs smoothly.

People sometimes say “last but not least” at this stage. I will have to start with

something a little stronger. Last and most certainly the most, I owe an infinite

debt of gratitude to my parents Sabri Mertol Evirgen and Amanda Evirgen, and

my brothers Selcuk Mert Evirgen and Berker Kaan Evirgen. It is a worn-out phrase

but there are truly very few words capable of conveying my feelings as I write this.

Suffice to say, this would simply not be possible without your endless love and tireless

support.

P.S Mert, it’s your turn to enjoy the PhD experience now. . .

2



Abstract

The dynamical role of magnetic fields in the interstellar medium (ISM) of galaxies

has been widely debated since their discovery approximately seventy years ago. I

investigate the possible dynamical role of magnetic fields in the ISM, using numerical

simulations of both a region of a spiral galaxy and of individual supernova (SN)

explosions. In the galaxy simulations, the magnetic field evolves from a weak seed-

field via dynamo action, in a manner consistent with the internal gas dynamics of

the simulated ISM. I find that the magnetic field, and particularly its coherently-

structured large-scale component, evolves spatially in such a way as to avoid the

hottest, most violently turbulent regions of the ISM, where SN explosions inject

large amounts of energy and produce strong shocks in the surrounding gas. The

large-scale magnetic field is especially sensitive to the hot gas, strongly preferring

to reside in the more hospitable warm gas.

I also find that the magnetic field produces feedback on the local gas dynamics. The

main effect is that large-scale outflows, characterised by the mean vertical velocity

of gas which represents gas flowing vertically out of the galactic disc, are damped

by magnetic pressure gradient close to the galactic midplane, as the magnetic field

becomes dynamically significant. This also effects the vertical distribution of gas

density and gas pressure; gas density becomes more homogeneous close to the mid-

plane but decays more strongly, with vertical distance away from the midplane,

further away from the midplane. I also find that while the fractional volume of hot

gas decreases by up to an order of magnitude from the early to the late stage of the

numerical simulation, the hot gas becomes more dense.

Following this, I present results from high-resolution numerical simulations of in-

dividual SN remnants to understand possible effects of the magnetic field on the

main energy injection mechanism for galaxies. I use models that are purely hydro-

dynamical (HD) as a baseline for comparison with magnetohydrodynamical (MHD)

simulations, to ascertain the effects of magnetic fields. I find that magnetic fields al-

ter both physical and thermodynamical properties of these simulated SN remnants.

The remnant shocks propagate faster perpendicular to the magnetic field, resulting

from magnetic pressure gradient. Inward momentum injection is also enhanced for



MHD remnants, resulting in mass loss from the shock inwards towards the rem-

nant core. As a result, the remnant core is magnetically confined, which reduces

the efficiency of heat loss due to adiabatic expansion. Thus, the hot, diffuse gas in

the remnant core remains hotter and becomes more dense throughout the evolution

of the remnant. This in agreement with the change to the fractional volume and

density of hot gas found in the larger-scale simulations of the ISM presented in this

Thesis.
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Chapter 1

Introduction

1.1 Motivation

The aim of my doctoral research has been to understand the dynamical role of mag-

netic fields within spiral galaxies, such as the Milky Way or M51. Some important

outstanding questions are:

I. By what process are galactic magnetic fields generated?

II. What is the likely spatial configuration of dynamically significant large-scale

galactic magnetic fields?

III. What are the main transport processes for galactic magnetic fields?

IV. Do magnetic fields have a feedback effect on interstellar gas dynamics? Is

it possible for galactic winds to be altered by the presence of a dynamically

significant magnetic field?

V. How are, if at all, supernova remnants affected by large-scale magnetic fields?

These questions are central to the motivation behind this work. I hope that the

results, and subsequent discussion, presented here might provide valuable contri-

butions to the ongoing debate. The analysis is based predominantly on numerical

simulations of the ISM, which feature a number of essential physical processes con-

ducive to the evolution of magnetic field up to micro gauss strengths from a nano

gauss seed field, via dynamo action. These numerical simulations aim to model in-

2



Chapter 1. Introduction

terstellar physics as realistically as possible with existing computational resources.

However, even the most sophisticated supercomputers are still not capable of mod-

elling such a complicated physical and chemical system required for robust, one-to-

one comparison with real galaxies. Therefore, it is perhaps better to view results

from such simulations as qualitative physical effects which one might expect to ob-

serve in real physical systems, such as spiral galaxies. The key aspect of these

results is the analysis of a numerical simulation in which magnetic fields are initially

dynamically insignificant but gradually become dynamically significant through the

self-consistent amplification of the magnetic field. The changes to the simulated

ISM are essential to isolating possible dynamical effects of magnetic fields.

1.2 Thesis structure

1.2.1 Overview

In the remainder of this Chapter, I introduce physical concepts which underpin the

work presented in the Thesis, and aim to provide context for the results.

In Chapter 2, I provide an overview of relevant numerical studies of the ISM and

its various dynamical processes. I aim to provide details on processes which are

particularly relevant to the questions considered in this Thesis. In addition, details

of the ISM simulations used for this Thesis are also provided in this chapter.

Chapter 3 explores effects of interstellar gas dynamics, particularly hot gas struc-

tures, on the spatial configuration of the large-scale magnetic field in a simulation

of the ISM, with particular reference to the distribution of the magnetic field within

the multi-phase structure of the ISM.

Chapter 4 focuses on the ‘other side of the coin’: whether a dynamo-evolved mag-

netic field has a back-reaction on interstellar gas dynamics. This chapter focuses

particularly on how the multi-phase and vertical structure of the galactic disc is

affected by the magnetic field in the simulated ISM.

In Chapter 5, I delve further into effects of a large-scale magnetic field on hot gas in

the ISM. I present analysis of numerical simulations of individual supernova explo-

sions (SNe).
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I present a summary of conclusions, with a discussion of possible improvements and

an outline of plans for future work in Chapter 6.

Appendix A extends the discussion presented in the previous chapter by introducing

random magnetic fields into the SNe simulations. However, the results presented in

this chapter are preliminary and require further analysis and checks. It has been

included as an appendix, instead of a main chapter, for this reason.

Appendix B provides a comparison of two important averaging methods: Gaussian

smoothing and horizontal averaging. Simulation data is used to illustrate then

differences.

In Appendix C, I present a derivation of the horizontally averaged momentum equa-

tion used in Chapter 4.

I discuss the method I use to calculate the time profile of SN radii, and subsequently

the SN shock velocity, in Appendix D.

In Appendix E, I discuss the effects of physical parameters on the evolution of SN

remnants in numerical simulations presented in Chapter 5.

1.2.2 Publications

Chapter 3

The results presented in this chapter were published in the Monthly Notices of the

Royal Astronomical Society (MNRAS), with full details given below:

Evirgen, C. C., Gent, F. A., Shukurov, A., Fletcher, A. & Bushby, P. 2017 The

distribution of mean and fluctuating magnetic fields in the multiphase interstellar

medium. MNRAS 464, L105-L109.

Chapter 4

The results presented in this chapter were published in the Monthly Notices of the

Royal Astronomical Society (MNRAS), with full details given below:

Evirgen, C. C., Gent, F. A., Shukurov, A., Fletcher, A. & Bushby, P. J. 2019 The

supernova-regulated ISM - VI. Magnetic effects on the structure of the interstellar
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medium. MNRAS 488 (4), 5065-5074.

A part of these results were also presented in:

Proceedings of FM8 ”New Insights in Extragalactic Magnetic Fields”, XXXth Gen-

eral Assembly of the IAU, Vienna, August 20-31, 2018.

The text for this is available on arXiv, with the following details:

Shukurov, A., Evirgen, C. C., Fletcher, A., Bushby, P. J. & Gent, F. A. 2018

Magnetic field effects on the ISM structure and galactic outflows. arXiv e-prints p.

arXiv:1810.01202

Chapter 5

The results presented in this chapter are curently under review with the Astrophys-

ical Journal (ApJ). The details are given below:

Evirgen, C. C. & Gent, F. A. 2019 MHD supernova explosions Large-scale magnetic

field effects. arXiv e-prints p. arXiv:1908.08781.

Appendix B

I have contributed Section 7 to the following manuscript, which is currently in

preparation for submission to Astronomy & Astrophysics (A&A):

J.F. Hollins, G. R. Sarson, C. C. Evirgen, A. Shukurov, A. Fletcher & F. A. Gent,

(in prep.) Mean fields and fluctuations in simulations of a compressible interstellar

medium

1.3 The multi-phase interstellar medium (ISM)

The interstellar medium (ISM) refers to the space within galaxies surrounding stars.

While the ISM contains only ∼ 10% of galactic mass (Ferrière, 2001), it plays a vi-

tal role in galactic dynamics. Particularly dense and cold clouds of molecular gas

provide an environment suitable for star formation. Meanwhile, dying stars and
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supernova explosions inject momentum into the surrounding ISM and drive turbu-

lence. Enriched material, deposited by dying stars, also play an important role in

formation of planetary systems (Klessen & Glover, 2016). The current understand-

ing is that the ISM hosts and regulates a number of important physical processes

occuring in the galaxy.

The overall picture which has been uncovered since the 1900s, is that the ISM is a

highly inhomogeneous medium, in terms of gas density and temperature (Ferrière,

2001; Klessen & Glover, 2016). It is also considered a ‘multi-phase’ gaseous medium,

in that it comprises a number of characteristically distinct types of gas. These phases

have gas densities ranging from dense 10−18 g cm−3 to very diffuse 10−28 g cm−3 gas,

with typical temperatures ranging from T ∼ 10− 100 K to T ∼ 106 K, respectively.

The generally accepted view of the multi-phase structure is that there are three

distinct phases:

• Dense cold molecular gas clouds with typical temperatures of T ∼ 102 K and

number density 10 – 1000 cm−3. These molecular clouds contain a large frac-

tion of the total mass of interstellar gas, despite occupying a negligible fraction

of the total volume. They play a key role in star formation (Kalberla & Kerp,

2009).

• Warm gas has typical temperatures of order T ∼ 104 K and number densities

in the range 0.1− 1 cm−3.

• Hot gas typical temperatures of order T ∼ 106 K and number densities typi-

cally in the range 0.001− 0.01 cm−3. Energy and hot gas is typically injected

into the ISM by SNe and stellar winds Mac Low & Klessen (2004).

Within this gaseous medium, there are also magnetic fields, which pervade the

galaxy, and cosmic rays which are dynamically coupled to the magnetic fields. It is

generally accepted that kinetic (or turbulent) motions, magnetic fields and cosmic

rays are in energy equipartition globally. This suggests that all ingredients play a

role in galactic dynamics. Much work has been carried out on developing an under-

standing of interstellar dynamics, which presents both a technical and theoretical

challenge on physical and time scales which span from the molecular to the galactic.

Much of the progress has been due to rapid developments in observational astron-

omy since the 1900s (Ferrière, 2001), with theory developing alongside to enable

interpretation of observations. The more recent development, particularly over the
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last two decades, of sophisticated three-dimensional numerical simulations (Caunt

& Korpi, 2001; Mac Low & Klessen, 2004; de Avillez & Breitschwerdt, 2005; Gressel

et al., 2008; Gent, 2012; Gressel et al., 2013; Bendre et al., 2015; Walch et al., 2015;

Girichidis et al., 2016; Gatto et al., 2017; Li et al., 2017, 2019) have enabled further

testing of theory and observations.

1.4 Galactic magnetic fields

Galactic magnetic fields are present at most physical scales, and their energies are

comparable to thermal, kinetic and cosmic ray energies. Even though this suggests

that magnetic fields are dynamically important, there remain a number of important

unanswered questions. In this Section, I present a brief overview of the contemporary

understanding of the dynamical role played by magnetic fields in spiral galaxies, with

reference to theory and observational evidence.

1.4.1 Observational evidence

The first observational discovery of galactic magnetic fields originates from stellar

polarimetry, which interprets the polarisation of starlight by interaction with inter-

stellar dust grains. This has been used to infer that the large scale magnetic field is

largely parallel to the galactic midplane. Moreover, the magnetic field was found to

be at an 7.2◦ inclination angle to the azimuthal direction (Heiles, 1996).

A typical spiral galaxy, as seen in Figure 1.1, comprises a ‘flattened’ disk with a

central spherical bulge, and a galactic halo, comprised of gas outflows which eventu-

ally fall back towards the galaxy under the gravitational force. The flattened, quasi

two-dimensional, structure of the disc is inherently connected to rotation of the disc.

Consequently, these observations also evidence a connection between differential ro-

tation and the galactic magnetic field.

Observations of synchotron polarisation are used to make inferences regarding the

strength and structure of galactic magnetic fields, by using polarised radio emis-

sions from cosmic ray (CR) electrons spiralling around magnetic fields (Beck, 2007).

Studies of synchotron polarisation have shown that
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Figure 1.1: The M51 (Whilrpool) galaxy. The background optical image comes from
the Hubble Space Telescope Space Science Team, while the magnetic field lines are from
radio polarization observations made with the Very Large Array. The image is taken from
Fletcher et al. (2011a).

1. Galactic magnetic fields have strengths ranging from the order of a few micro-

gauss to tens of microgauss (Klein et al., 1988; Niklas, 1995; Chyży & Beck,

2004; Fletcher et al., 2004, 2011b; Mao et al., 2017).

2. Magnetic energy density is comparable to thermal, turbulent and CR energy

densities (Boulares & Cox, 1990; Beck, 2007).

3. Galactic magnetic fields have been found to have coherent, large-scale structure

at a kiloparsec scale, as well as a random (or tangled), small-scale component.

The small-scale field is often strongest in the spiral arms of the galaxy, while

the large-scale field is often strongest in the interarm regions (Beck, 2015).

4. Magnetic field strength decays slowly with galactocentric radius, particularly

compared with rotational energy density. Subsequently, magnetic fields can

affect local rotation curves far away from the galactic centre (Elstner et al.,

2014).
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1.4.2 Origins

The origin of galactic magnetic fields has been a widely debated topic since the

discovery of interstellar magnetic fields approximately 70 years ago. The debate

features two competing theories: primordial and dynamo-evolved magnetic fields.

Primordial field theory proposes that proto-galaxies inherit primordial magnetic

fields, which existed in the early Universe, and that these fields are amplified rapidly

through compression as matter collapses gravitationally during the formation of the

galaxy. This theory produces estimates of magnetic field strength up to two orders

of magnitude larger than those observed in galaxies (Ferrière, 2005). Proponents

of primordial theory have suggested magnetic diffusion to explain the difference

between prediction and observation. However, this requires the assumption that

diffusion is strongly anisotropic, and much more efficient parallel to the field. It is

unclear that such an assumption is physically motivated. Under the assumption of

isotropic magnetic diffusion, we would not expect to observe large-scale, coherently

structured magnetic fields in the galactic plane. The worst-case scenario would be

complete decay of the galactic magnetic field (Rosner & Deluca, 1989). Kulsrud &

Zweibel (2008, (see Chapter 15) discuss the possibility of a magnetic field (strong

enough to be considered a pre-galactic field) being generated in proto-galaxies but

they note that this is more important as a ‘starting point’ for the dynamo process,

as opposed to a full explanation for the fully-evolved strength or structure of galactic

magnetic fields.

An additional difficulty with this theory is that the amplification mechanism pro-

posed would produce spiral structures wound much more tightly than in observed

galaxies (Widrow, 2002). Widrow (2002) suggests that in the absence of a feasible

ab initio galactic magnetic field theory, it is more likely that the field is generated

continuously.

It is possible that seed-fields within galaxies could be primordial (Durrer & Neronov,

2013). However, seed fields can originate from other processes, such as the Weibel

instability later in cosmological structure formation (Lazar et al., 2009), by plasma

fluctuations in protogalaxies (Schlickeiser & Felten, 2013), or by jets produced by

early black holes (Rees, 2005).

These seed-fields can be amplified efficiently by turbulent flows driven by SNe
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(Ferrière, 1996) or spiral shocks (Kim et al., 2006) by the small-scale dynamo, which

is capable of amplifying the (weak) seed-fields up to a strength of several micro gauss

within a time scale of order 108 years (Kulsrud et al., 1997; Beck et al., 2012; Rieder

& Teyssier, 2016). This produces a turbulent (or disordered) magnetic field. The

evolution of the large-scale, ordered magnetic field takes longer, up to a few giga

years (Beck et al., 1994; Arshakian et al., 2009; Rodrigues et al., 2015). Numerical

simulations have shown that differential rotation and SN-driven turbulence (Ferrière,

1996) can produce such magnetic fields (Gressel et al., 2008; Wang & Abel, 2009;

Kotarba et al., 2009; Gent, 2012; Pakmor et al., 2017).

This leads to the more plausible theory that primordial magnetic fields may seed

physical processes which amplify magnetic field strength as the galaxy evolves. Dy-

namo theory proposes that random, turbulent motions and differential rotation of

the galactic disk leads to the amplification of the primordial seed field consistently

with the gas dynamics of the galaxy.

1.4.3 Dynamo action

As the primary focus of this Thesis is the potential effect of dynamo-evolved mag-

netic field on interstellar gas dynamics and hot gas structures, I discuss dynamo

theory very briefly. Comprehensive discussions of this important topic are provided

in a number of works (Steenbeck et al., 1966; Moffatt, 1978; Ruzmaikin et al., 1989;

Krause & Wielebinski, 1991; Kulsrud, 1999). The governing equation for the dy-

namo process is

∂B

∂t
= ∇× (v ×B) + η∇2B (1.1)

where B is the magnetic field, v is the velocity field and η is the magnetic resistivity.

The first term on the RHS of Equation (1.1) describes the effect of gas motions,

and the interaction of gas motions with the magnetic field, on the evolution of the

magnetic field. The second term describes diffusion of the magnetic field. The

relative importance of either term can be established using typical or characteristic

values for the magnetic field strength B0, velocity U and length scale of the system

L, and expressed as
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Rm =
|∇ × (v ×B)|
|η∇2B| ∼ (UB0)/L

ηB0/L2
=
UL

η
,

where Rm is the magnetic Reynolds number. Large Rm indicates that interaction

with gas motions is the dominant term, or that the magnetic field has become ‘frozen-

in’ to the flow, whereas small Rm shows that magnetic diffusion is dominant. Klein

& Fletcher (2015) show that characteristic values of U , L and η for a spiral galaxy

predict Rm ∼ 108 and Rm ∼ 1011 for turbulent and large-scale coherent magnetic

fields, respectively. In both cases, we expect the magnetic field to be frozen-in to the

gas flow, which means that the spatial configuration and topology of the magnetic

field is likely to be heavily influenced by gas motions. However, Klein & Fletcher

(2015) also state that magnetic diffusivity will become significant on smaller scales,

and that topological re-organisation of the magnetic field can only take place in the

case of non-zero magnetic diffusivity.

Mean-field dynamo equation

As discussed previously, galactic magnetic fields have both a large-scale and turbu-

lent magnetic field structure, denoted by B0 and b, such that B = B0 + b. The

velocity field can be represented as a sum of two components in a similar manner,

v = V +u, where V and u are the large-scale and turbulent gas flows, respectively.

There are a number of methods for separating the large and small-scale part of such

fields but discussion of these methods is deferred for now. It can be shown that the

mean-field (or large-scale) dynamo equation is

∂B0

∂t
= ∇× (V ×B0) +∇× ε+ η∇2B0, (1.2)

where ε = 〈u× b〉 is the electromotive force, and < · > refers to the averaging

method used to separate the large-scale component of a field from the small-scale

component1. The first term on the RHS describes the effect of interactions between

the large-scale velocity and magnetic field terms. In a spiral galaxy, this is typ-

ically due to differential rotation of the galaxy and subsequent large-scale shear.

Systematic large-scale gas flows such as galactic winds or superbubbles can also

1For example, B0 ≡ 〈B〉
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have an effect on dynamo action. The second term represents the effect of inter-

actions between turbulent flows and the small-scale magnetic field on the evolution

of the large-scale magnetic field, whilst the third term refers to the diffusion of the

large-scale magnetic field.

The most remarkable aspect of this equation is that the evolution of the large-scale

dynamo depends on both large-scale and small-scale gas motions. While it is phys-

ically remarkable that motions chaotic and tangled up on a much smaller scale can

produce ordered magnetic fields, it also poses an interesting challenge in modelling

the large-scale dynamo within the galactic context. A simulation which focuses on

the large-scale dynamics of the galaxy is unlikely to have the spatial resolution to

capture turbulent effects on the mean-field dynamo, which occur at much smaller

scales; a simulation which focuses on the small-scale dynamics is unlikely to capture

important large-scale processes such as differential rotation.

Stages of dynamo action

In the early stages of dynamo action, known as the kinematic stage, the magnetic

field will not be strong enough to have a dynamical effect on gas flow through the

Lorentz force. In this stage, the magnetic field will grow exponentially. However,

as the magnetic field strength increases, the Lorentz force will start to become

dynamically significant, creating a magnetic back-reaction on gas flows, and slowing

down magnetic field growth until the field strength reaches a statistically steady

state. This phase is known as the non-linear or saturated phase of dynamo action.

The α effect and turbulent diffusivity

There are two important aspects of dynamo action which arise from analysis of

the electromotive force (EMF). Klein & Fletcher (2015) show, using a first-order

smoothing approximation, that the EMF can be expressed as a sum of two terms:

〈u× b〉 = αijB0,j − ηijk
∂B0,k

∂xj
. (1.3)

In the case of isotropic turbulence, we have
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αij = αδij, α = −τ

3
〈b · (∇× u)〉 ,

and

ηijk = ηT εijk, ηT =
τ

3

〈
u2
〉
.

Here, δij is the Kronecker delta, εijk is the Levi-Civitta tensor, and τ is the turbulent

eddy turnover time.

The α-effect refers to how stratification of the gas and rotation of the disc combine

to produce non-zero average helicity of turbulence. Physically, this effect can be

summarised by considering a parcel of buoyant gas in the galactic disc. As it rises,

moving away from the midplane, it will advect magnetic field lines. A straight

magnetic field would would be distorted and ‘warped’ around the rising parcel of

gas. Then, Coriolis force induced by rotation will twist this magnetic field line,

producing the α-effect.

Klein & Fletcher (2015) further re-write the mean-field dynamo equation as

∇× 〈u× b〉 = ∇× (αB0) + ηT∇2B0,

which shows the role of turbulent diffusion in in the diffusion of the large-scale

magnetic field.

Saturation of the mean-field dynamo

There is a dimensionless parameter called the Dynamo number, D = RαRΩ, where

Rα =
α0h

ηT
, RΩ =

Ω0h
2

ηT
.

Here, α0 and Ω0 are characteristic values of the alpha-effect and angular velocity, h is

the scale height of the galactic disc, and ηT is the turbulent diffusivity as previously

introduced. Klein & Fletcher (2015) show that the critical dynamo number, Dc,
close to the Solar neighbourhood of the Milky Way is of the order of 10.

If the dynamo number exceeds the critical value, magnetic field strength will grow

exponentially. However, as previously discussed, as the magnetic field becomes
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stronger, the Lorentz force become dynamically significant. Therefore, we cannot

expect the magnetic field strength to grow in an unbounded manner, and it must

reach an equilibrium strength at which it begins to self-regulate. This stage is

called non-linear since the presence of the magnetic term in both the induction

and momentum equation cannot be considered dynamically insignificant. Once the

magnetic field strength becomes large enough, gas flows will not solely determine

the evolution of the magnetic field (neither in terms of spatial configuration nor in

terms of strength); the magnetic field will be strong enough to have a back-reaction

on gas flows, thus altering gas flows directly and itself indirectly.

One mechanism that has been proposed for the saturation of the dynamo is called

“α-quenching”:

α =
α0

1 +B2/B2
eq

,

where Beq2 = 4πρu2 is the equipartition magnetic field strength.

Small-scale magnetic fields and the Fluctuation Dynamo

The ISM contains random magnetic fields with much smaller correlation scales than

the large-scale magnetic field. There are two possible mechanisms which produce

small-scale fields: tangling up of large-scale scale magnetic fields or by random

stretching of magnetic field lines by turbulent flows (Klein & Fletcher, 2015).

Klein & Fletcher (2015) further outline two important aspects:

1. As the growth time of the fluctuation dynamo is of the order of turbulent eddy

turnover time, the growth rate of the small-scale field is up to two orders of

magnitude faster than the large-scale dynamo.

2. Small-scale fields generated by the fluctuation dynamo will have an inter-

mittent structure, whereas tangling up of the large-scale field will produce

small-scale fields uniformly distributed in space.
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Review of numerical simulations of

the ISM

2.1 Overview of numerical models of the inter-

stellar medium

Physical processes in the ISM occur over a large range of spatial and temporal scales.

These processes play an important role in galactic dynamics. Recent developments

in numerical simulations have advanced our understanding significantly.

These simulations can be useful for a number of purposes: we can test existing

theory and assumptions, develop a deeper understanding of observational data, and

investigate the effects of subsets of physical processes. As with all tools, numerical

simulations have limitations. Subsequently, it is crucial to maintain a clear vision of

both the capabilities and limitations of a numerical model, as well as the physical

motivation for running a numerical simulation.

In this Thesis, the primary motivation is to develop an understanding of the role

played by magnetic fields in the vertical and multi-phase structure of spiral galax-

ies, particularly relating to the structure of the disc. This requires analysis of the

dynamical coupling between the magnetic field and velocity field, which is included

explicitly in the MHD equations. Given the non-linearity of the dynamical coupling,

it is necessary to explore both the effects of gas flows on magnetic fields, and mag-

netic feedback on gas dynamics. These topics are explored using both simulations of
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the local galaxy and individual supernova remnants (SNr) in a magnetised medium,

hereafter referred to as ISM models and SNr models, for ease of distinction. In this

Section, I provide a summary and discussion of existing numerical models, and how

results presented in this thesis fit into the bigger picture.

2.1.1 Physical ingredients of interstellar modelling

The complexity of interstellar physics, and the accompanying numerical challenge,

demands a pragmatic approach to numerical interstellar modelling. This work aims

to pose a clear question and determine the physical processes essential to under-

standing the question. Since the various physical processes have spatial and time

scales varying over many orders of magnitude, it is not numerically possible to model

processes at every dynamically significant scale directly in a single numerical model.

This requires either a simplifying assumption, relevant sub-grid model, or exclusion

of a physical process where appropriate.

In this work, the central topic is the dynamical role of a magnetic field which has

evolved in a self-consistent manner, coupled dynamically to the interstellar gas in a

spiral galaxy. In this section, an overview of physical processes required for inter-

stellar modelling is presented. In addition to a general overview, I outline processes

of particular significance to the central topic, and provide general information on

their numerical implementation. I also discuss processes which have been excluded

from the numerical models, with a focus on the physical justification for exclusion.

Supernova explosions

Supernova explosions (SNe) play a significant role in galactic dynamics. They pro-

vide pressure support and inject energy, driving turbulence and large-scale outflows

(McKee & Ostriker, 1977; Chevalier & Clegg, 1985; Mac Low & Klessen, 2004; Mur-

ray et al., 2005; Girichidis et al., 2016). Isolated SNe can significantly impact their

local ambient environment, whether evacuating or fragmenting a dense molecular

cloud from within, or expansion into, and advection through, less dense hot gas

regions. Clusters of SNe can form larger hot gas structures (superbubbles or chim-

neys), spanning typically hundreds of parsecs, and feeding the galactic fountain.
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Both individual SNe and SNe clusters, such as superbubbles arising from OB asso-

ciations, have been studied analytically (Taylor, 1950; Sedov, 1959; Tomisaka et al.,

1981; Cioffi et al., 1988) and numerically (Chevalier, 1974; Ferrière et al., 1991;

Slavin & Cox, 1992; Jun & Norman, 1996; Tomisaka, 1998; Caunt & Korpi, 2001;

Hanayama & Tomisaka, 2006; Zirakashvili & Ptuskin, 2008; Kim & Ostriker, 2015;

Yadav et al., 2017). SNe evolution is spherically symmetric in a non-magnetized

uniform ambient ISM (Spitzer, 1978; Cioffi et al., 1988).

In our ISM model, each supernova explosion (SNe) injects 1051 erg of energy at

the explosion site, with the energy distributed within a spherical region around the

explosion site. The radius of the site is chosen large enough to ensure that velocity

and temperature gradients can be resolved, in order to avoid numerical instabilities

while simultaneously being small enough such that the remnant is still within the

Sedov-Taylor, or at most the early snowplough phase. In practice, this usually

requires a sphere radius spanning 4-6 points on the uniform simulation grid. Another

consideration is loss of energy due to radiative cooling prior to shell formation. This

can happen if the injection site satisfies the previously mentioned criteria but remains

small enough to feature high temperatures (typically T ∼ 108 K). Joung & Mac Low

(2006) solve this issue by adjusting the injection site radius to ensure a minimum

mass is contained within the injection site (60M�).

The energy injection is fully thermal if the remnant is still within the adiabatic

expansion phase. If the remnant is in the early pressure-driven phase, then a pro-

portion of the energy injection comprises kinetic energy, following (Simpson et al.,

2015). Energy injection by SNe in our simulations is discussed further in Gent (2012)

and Hollins et al. (2017b).

Rotation

Differential rotation of spiral galaxies, with shear, lead to spiral arm structures. The

coherent large-scale structure of the galactic magnetic field is strongly aligned with

the spiral arms. Thus, if the large-scale structure is to evolve in a self-consistent

manner, rotation and shear are essential processes. Many adaptive mesh refine-

ment (AMR) codes do not implement large-scale shear. Indeed, if the main interest

in understanding gas density and temperature distributions in the ISM, differen-

tial rotation is not necessary. Kim et al. (2001); Mac Low et al. (2005a,b); Wood
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et al. (2010); Hill et al. (2012); Girichidis et al. (2016) explore the gas density and

temperature distributions and structures in the simulated ISM without inclusion of

differential rotation.

In terms of magnetic fields in galaxies, and particularly with reference to dynamo-

evolved magnetic fields, differential rotation is an essential ingredient. Gressel et al.

(2008) finds no dynamo action with solid body rotation. In contrast, with differential

rotation, they are able to evolve a micro gauss strength field from a nano gauss seed

field, via dynamo action.

A number of local ISM simulations, which do not implement differential rotation,

circumvent the absence of dynamo action by using a priori assumptions about the

strength and configuration of the fully-evolved magnetic field (de Avillez & Bre-

itschwerdt, 2004; Mac Low et al., 2005a; de Avillez & Breitschwerdt, 2005; Hill

et al., 2012; Girichidis et al., 2016). A typical configuration for such models is the

use of a micro gauss strength field with a physical configuration uniform parallel

to the galactic disk and decaying with gas density vertically away from the mid-

plane1. While this a priori configuration may seem reasonable, it is not clear that

simulating the galaxy with such a magnetic field as an initial condition is quite the

same as a magnetic field which has evolved, both in strength and spatial config-

uration, self-consistently and coupled with the gas dymamics of the galaxy. This

topic is discussed by Cox (2005), with a particular focus on explaining the pressure

and vertical distribution that the ISM has. The author outlines the possibility of

feedback from the dynamo process on large-scale gas motions, and further discusses

the role of magnetic fields and cosmic rays. Perhaps the most important aspect is

the admission that there is no clear consensus on the question of why the ISM has

the pressure and vertical distribution that it does.

Indeed, this absence of consensus is apparent within the context of numerical models

of the ISM. Whilst some argue that magnetic field have no clear impact on thermal

pressure (Mac Low et al., 2005a), galactic outflows (Girichidis et al., 2016) or frac-

tional volumes of hot gas (de Avillez & Breitschwerdt, 2005), Bendre et al. (2015)

finds that magnetic fields do affect vertical velocity. Indeed, suggestions that mag-

netic fields play a dynamical role were made by Vazquez-Semadeni et al. (1995), who

found that HII regions did not expand as freely as in purely hydrodynamical simula-

tions, due to magnetic effects. Moreover, magnetic fields control the propagation of

1Typically B(z) ∝
√
n(z), where n is gas number density.
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Cosmic Rays (CRs) which provide an additional pressure term in equipartition with

(or at least comparable to) other gas pressure terms. Birnboim et al. (2015) show

that magnetic field and CR pressure regulates the star formation rate. Hanasz et al.

(2013) also finds that the combination of magnetic and CR pressure can drive fast

outflows of hot gas; such outflows, particularly in starburst galaxies, are capable of

magnetizing the intergalactic medium (IGM) (Bertone et al., 2006).

One of the key simplifying assumptions made in numerical models which impose a

strong initial magnetic field is that magnetic fields are secondary to understanding

thermodynamic aspects of the simulated ISM, such as the multi-phase structure.

In other words, the magnetic field acts as a passenger in large-scale gas dynamics.

However, in addition to the aforementioned effects of the magnetic field, Wiener

et al. (2013) find that CR propagating along magnetic fields lines could heat warm

ionized gas. It is plausible that magnetic fields, on vertical and multi-phase structure

of the ISM, is subtle and non-linear.

Under these circumstances, it seems more robust to allow the magnetic field to evolve

from a weak seed-field, via dynamo action, consistently with the gas dynamics within

the simulation, even though this increases the simulation run-time significantly.

A possible compromise solution is the use of magnetic field strength and spatial

configuration obtained from large-scale dynamo simulations as an initial condition

for the magnetic field in numerical models which exclude differential rotation. If this

produces the same (or similar) qualitative results, then this leads to a significant

reduction in computational cost, since the large-scale dynamo process is expected

to evolve on time scales of order 100− 1000 Myr.

Self-gravity

Hunter et al. (1986) and Elmegreen (1993) have both suggested that dense molecular

clouds can form from converging, turbulent self-gravitational gas streams. However,

the simulations of Nordlund & Padoan (2003) have shown that such dense clouds can

form from intersecting shocks in the ISM. While self-gravity will accelerate formation

of high-density structures in the ISM, other physical processes, such as thermal

instability, also play a role. However, Brandenburg et al. (2007) and Slyz et al.

(2005) find separately that the effects of turbulence and compression are dominant

at higher resolutions.
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Within the context of large-scale ISM simulations, it is not feasible to model both

larger-scale physics, and processes such as star formation and self-gravity. Subse-

quently, self-gravity is not included in our ISM simulations.

Star formation

Star formation occurs in dense molecular clouds in the ISM, which typically span a

few parsecs. However, important stages of this process take place in a physical scale

many orders of magnitude smaller (Gent, 2012). Crucially, these physical scales

are much smaller than larger-scale processes such as galactic rotation and spiral

arm structure, which renders the simultaneous modelling of these processes very

computationally expensive. The problem is twofold: the evolution time of a single

star requires time resolution below 1 year but the larger-scale dynamics of galaxies

involve time scales of order 102-103 Myr. Time resolution below 1 year is a severe

constraint on the timestep of the overall simulation, and will require at least 108 time

steps for a single simulation; Moreover, if we assume that the spatial resolution of a

typical ISM model is ∆x ∼ 1 pc, a modest local simulation of a 1×1×2 kpc3 region

requires a 1000× 1000× 2000 uniform grid structure. This will require continuous

use of a powerful computer cluster for a long period of time, most likely months.

This is before we start to consider the data storage and post-processing difficulties

associated with such large datasets. Now, imagine improving the spatial resolution

by two orders of magnitude; a single snapshot will be 106 larger than what we

already consider the practical limit2.

An additional layer of complexity is that there is not a single prescription for the

process of star formation (Paron, 2018). An important trigger process is the “collect

and collapse” (CC) mechanism, first proposed by Elmegreen & Lada (1977) and

studied numerically by Whitworth et al. (1994b,a), with further treatment of the

topic by Zavagno et al. (2010); Duronea et al. (2017). Walch et al. (2015) and

Deharveng et al. (2015) show that this mechanism can work in conjunction with

other trigger mechanisms, such as radiative implosion which was first proposed by

Reipurth (1983), or cloud-cloud collisions first presented by Loren (1976).

It is possible to use AMR methods to “zoom-in” on regions which require higher

spatial resolution but this method also has its limitations. It is not clear whether

2Most numerical simulations of this kind have at most 10003 grid size.
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AMR can be used to improve local spatial resolution by many orders of magnitude.

If we simply A more common approach is to study star formation at its own phys-

ical and time resolution scale and to incorporate sub-grid models of this physical

process. The ISM simulations presented in this Thesis exclude explicit star forma-

tion. Further discussion of star formation, particularly in relation to our Model, is

provided in Gent (2012).

2.2 Overview of numerical simulations

Results presented in Part II are based on analysis of numerical simulations of the

interstellar medium, hereafter referred to as (the) ISM simulations. The data are

taken from the simulations and PhD work of Gent (2012), with the express permis-

sion of my colleague and collaborator Dr Frederick Gent. All analysis of this data

presented in this Thesis originate from my doctoral research. These results can be

found in Evirgen et al. (2017), Shukurov et al. (2018) and Evirgen et al. (2019).

Results presented in Part III are based on numerical simulations of supernova explo-

sions performed by the author at the Department of Computer Science at Aalto Uni-

versity, on the taito, sisu and puhti supercomputers hosted by the CSC-IT Center

for Science Ltd, with financial support from the HPC-Europa transnational access

grant3. The motivation for these simulations originate from a question regarding the

effect of magnetic fields on hot gas in the galactic disk, which we first encountered

in the larger-scale ISM simulations. I provide a description of the numerical model

in Chapter 5.

2.3 ISM simulation

Gent (2012) performed a large suite of numerical simulations of the local Galaxy,

which are also presented in Gent et al. (2013) and Gent et al. (2013). The data

used here are from Model B2Ω, which is a non-ideal MHD shearing box simulation,

featuring compressible turbulence driven by supernova explosions, on a uniform

3Grants HPC170UMEV and HPC17KH3CP, with additional access to Grand Challenge project
GDYNS. Initial allocation was a total of 200,000 CPU hours, which has since been extended. Total
usage to date is in excess of 1,000,000 CPU hours.
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grid with 4 pc spatial resolution. This model features an initial, seed magnetic

field of nano gauss strength. Differential rotation is included as it is an important

component of dynamo action (Widrow, 2002).

In the following subsections, I provide a description of this model to ensure that the

Thesis is self-contained, and that the reader can avoid the need to search external

sources for the necessary basic information. However, I would like to emphasise that

the following description is a truncated version of Section 3.1 in Gent (2012). I do

not claim any intellectual ownership for this description.

2.3.1 Governing equations

A system of equations is solved using PENCIL4 code. Cosmic rays are not included

in these simulations. The governing equations of the simulation are the mass conser-

vation, Navier–Stokes, heat, and induction equations. The Navier–Stokes equation

is written in the rotating frame.

Dρ

Dt
= −∇ · (ρu) + ρ̇SN, (2.1)

Du

Dt
= −ρ−1∇σSN,kin − c2s∇ (s/cp + ln ρ)−∇Φ− Suxŷ − 2Ω × u (2.2)

+ ρ−1j ×B + ν

(
∇2u+

1

3
∇∇ · u+ 2W · ∇ ln ρ

)
+ ζν (∇∇ · u) ,

ρT
Ds

Dt
= σ̇SN,th + ρΓ − ρ2Λ+∇ · (cpρχ∇T ) + ηµ0j

2 (2.3)

+ 2ρν|W |2 + ζχ
(
ρT∇2s+∇ ln ρT · ∇s

)
+ ρT∇ζχ · ∇s,

∂A

∂t
= u×B − SAyx̂− Sx

∂A

∂y
+ (η + ζη)∇2A (2.4)

+∇ ·A (∇η +∇ζη) .

Here, ρ, T and s are the gas density, temperature and specific entropy, respectively.

The variable u is the deviation from the background rotation profile, referred to as a

velocity perturbation by Gent (2012). However, this perturbation is not purely ran-

dom gas motions, it includes coherently large-scale flows driven by other processes,

4http://pencil-code.nordita.org/
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such as supernova explosions. The fields A and B are the magnetic potential and

field, respectively. The equations are solved for the magnetic potential to ensure

solenoidality throughout the simulation. The magnetic field can obtained from the

magnetic potential using B = ∇×A. The current density is given by j = ∇×B.

The adiabatic speed of sound is, cs, and the specific heat capacity at constant pres-

sure is cp. S is the velocity shear rate associated with Galactic differential rotation

at angular velocity Ω. Viscosity is given by ν and the rate of strain tensor, W , is

given by

2Wij =
∂ui
∂xj

+
∂uj
∂xi
− 2

3
δij∇ · u.

Shock-capturing viscosity is denoted by ζν . Shock-capturing methods and their

numerical implementation are discussed in Section 3.4 of Gent (2012). The variables

σ̇SN,th and σ̇SN,kin refer to the SN energy injection per volume in the form of thermal

and kinetic energy, respectively.

2.3.2 Initial conditions

I briefly present the initial conditions used in the ISM simulations of Gent (2012),

particularly in reference to the B2Ω model used in this Thesis. The initial gas density

distribution corresponds to isothermal hydrostatic equilibrium in the gravitational

field (following Kuijken & Gilmore (1989))

gz = −∂Φ
∂z

= − a1z√
z21 + z2

− a2
z

z2
, (2.5)

where a1 = 4.4×10−14 km s−2, a2 = 1.7×10−14 km s−2, z1 = 0.2 kpc, and z2 = 1 kpc.

The resullting initial gas density distribution is

ρ(z) = ρ0 exp

[
a1

(
z1 −

√
z21 + z2 − a2

2a1

z2

z1

)]
, (2.6)

where ρ0 = 3.0× 10−24 g cm−3.

A non-uniform initial gas temperature distribution is used to avoid long transients

while keeping the imposed condition close to static equilibrium:

23



Chapter 2. Review of numerical simulations of the ISM

T (z) =
T0
z1

(√
z21 + z2 +

a2
2a1

z2

z2

)
, (2.7)

where T0 is obtained from

Γ (0) = ρ0Λ(T0) ≈ 0.0147erg g−1 s−1.

Here the value of T0 depends on both the choice of ρ0 and the choice of cooling

function, Λ.

The initial magnetic field configuration is chosen such that Brms = 1nG and the

spatial configuration is purely azimuthal (or in the y direction locally). The initial

field is B = (0, BIn(z), 0), where BI = 0.05µG cm3 and n(z = 0) = 1.8 cm−3.

2.3.3 Boundary conditions

As the ISM has a statistically homogeneous structure, periodic boundary conditions

are applied in the azimuthal (y) direction. This neglects the differences between arm

and inter-arm regions but is a reasonable simplifying assumption since the horizontal

domain is a small region (1.024× 1.024 kpc2) compared with the horizontal extent

of a galactic disc. The x direction is analogous to the cylindrical radius and sliding

periodic boundary conditions are implemented in this direction to model differential

rotation.

The boundary conditions at the top and bottom of the simulation domain (z =

±1.088) are more demanding, since the galactic halo extends up to 10 kpc away

from the galactic midplane with gas dynamics that is not trivial to model. de

Avillez & Breitschwerdt (2007) extend their vertical domain up to 10 kpc away

from the midplane. Despite using a non-uniform grid (with resolution coarsening

further away from the galactic midplane), their simulation domains are effectively

8003 or 16003 depending on the model. This incurs a significant computational cost

which is offset by using a strong initial magnetic field (4.5µG) which reduces the

run-time required for the simulation. Simulations which start with a weak seed

magnetic field, and allow the magnetic field to evolve via dynamo action, require in

excess of 1 Gyr. The results of de Avillez & Breitschwerdt (2007) indicate that a

vertical extent of at least ±5 kpc is required for hot gas to cool and fall back towards
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the midplane. Given the computational cost of attempting to use both a high spatial

resolution and include the galactic halo, Gent (2012) uses a vertical extent ±1 kpc

from the midplane. Such a vertical extent allows modelling of the galactic disc and

the disc-halo interaction region.

The vertical extent used by de Avillez & Breitschwerdt (2007) excludes significant

mass loss from the system due to outflows, despite the computational cost incurred.

However, since SNe within the galactic disc drive systematic outflows (such as galac-

tic winds), it is important to take care with the vertical boundary conditions when

using a reduced vertical extent, particularly for long run-times. For HD runs, Gent

(2012) finds that the simulation reaches a statistically steady turbulent state within

a few Myr. However, given the more extensive run-time required for MHD runs

(with a weak seed magnetic field), and that the hot gas cools long after leaving the

simulation domain, there is no physical mechanism to replace mass lost through the

vertical boundaries. Subsequently, lost mass needs to be replaced numerically. The

details of this are provided in Appendix C of Gent (2012).

The various vertical boundary conditions are implemented using ‘ghost zones’ out-

side the vertical boundaries, which is effectively a continuation of the numerical grid

by three horizontal planes at the top and bottom of the simulation domain.

Mass

A weak negative gradient of gas density is implemented in the ghost zones to avoid

artificial mass loss. Density in the ghost zones is defined as follows:

ρ (x, y,±Z ± k∆) = (1−∆/0.1kpc)ρ(x, y,±Z ± (k − 1)∆)

for all horizontal coordinates (x, y), z = +Z and z = −Z are the top and bot-

tom boundaries of the simulation domain. The value ∆ refers to the grid spatial

resolution and k = 1, 2, 3 refers to the ghost zone layers.
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Temperature

Gas temperature is kept constant in the ghost zone and set equal to the value at

the boundary, such that

T (x, y,±Z ± k∆) = T (x, y,±Z) .

This is implemented in terms of the value of gas entropy, with reference to the gas

density prescription for the ghost zones given above.

Velocity

For vertical velocity, the ghost zone values are kept equal to the boundary value if

the boundary value is direct outwards from the box. Otherwise, a prescription (see

Section 3.5 of Gent (2012)) is used to ensure that the inward velocity in the ghost

zones is always lower than at the boundary. The horizontal components of velocity

have symmetric boundary conditions to exclude horizontal stresses, such that

ux (x, y,±Z ± k∆) = ux (x, y,±Z ∓ k∆)

Magnetic field

The ISM simulation presented in this Thesis used a ‘vertical field’ vertical boundary

condition for the magnetic field, which ensures zero vertical flux across the bound-

aries. The horizontal components of the vector potential are

Ax (x, y,±Z ± k∆) = Ax (x, y,±Z ∓ k∆)

for the x component,

Ay (x, y,±Z ± k∆) = Ay (x, y,±Z ∓ k∆)

for the y component, and
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Az (x, y,±Z ± k∆) = −Az (x, y,±Z ∓ k∆)

for the z component. These conditions ensure that

∂Ax
∂z

=
∂Ay
∂z

= 0 = Bx = By.

Bz can differ from zero. The constraint on ∂Bz/∂z is satisfied since ∇ ·B = 0.

Other important aspects of model

• The heat equation contains terms representing photoelectric heating and opti-

cally thin radiative cooling. Photoelectric heating and radiative cooling follow

the parametric prescriptions of Wolfire et al. (1995a) and Wolfire et al. (1995a);

Sarazin & White (1987a), respectively. Gent (2012) provides a comparison of

cooling and heating functions.

• An external gravitational potential is used to account for stars and dark matter

following Kuijken & Gilmore (1989). Self-gravity is neglected as it is subdom-

inant at the scales of interest for the model.

All further details of the model equations are presented in Gent (2012); Gent et al.

(2013); Gent et al. (2013).
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Part II

The dynamical role of large-scale

magnetic fields in spiral galaxies
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Chapter 3

Effects of gas flows on the

large-scale magnetic field

The interstellar medium (ISM) has a complex, multi-phase structure. However very

little is known about the influence that this structure has upon galactic magnetic

fields. This is partly due to limitations in the observational techniques, but it

should also be emphasised that galactic dynamo theory has been developed without

any explicit reference to the multi-phase structure of the ISM (Beck et al., 1996;

Shukurov, 2007). Further theoretical progress is needed to aid the interpretation of

observations.

Two types of dynamo operate in a typical spiral galaxy. The mean-field (large-

scale) dynamo produces a magnetic field that is ordered on a scale larger than the

turbulent scale, l0 ' 50–100 pc. This process relies on the differential rotation of

galactic gaseous discs as well as helical turbulence in the ISM. The e-folding time

of the large-scale magnetic field, TMFD, is comparable to the turbulent magnetic

diffusion time across the ionised gas layer, which is of the order of 2.5 × 108 yr

near the Sun. The other key dynamo mechanism is the fluctuation (small-scale)

dynamo, in which local turbulent motions (which may, or may not, be helical)

produce a disordered magnetic field that is structured on the scale of the flow (e.g.

Zeldovich et al., 1990; Brandenburg & Subramanian, 2005). The time scale at which

these small-scale magnetic fields are amplified is of the order of the eddy turnover

time of the turbulent flow, TFD ' l0/v0(' 107 yr in the warm phase near the Sun,

assuming that the scale and speed of interstellar turbulence are l0 = 100 pc and
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v0 = 10 km s−1, respectively). Both types of dynamo mechanism amplify magnetic

fields up to a strength of the order of a few micro-gauss, which corresponds to energy

equipartition with the turbulence, B0 ' (4πρv20)1/2.

Since the fractional volume occupied by the cold and molecular gas in the ISM is

negligible, it is likely that only the warm and hot phases affect significantly dynamo

action at the galactic scale. The spatial scale of the mean magnetic field, of the order

of 1 kpc or more, is comparable to or exceeds the typical size of the hot regions in

the ISM. Furthermore, it is replenished by the dynamo at a time scale longer than

the residence time of a parcel of hot gas within the gas layer, h/Vz ' 5 × 106 yr,

where h ' 500 pc is the scale height of the warm, partially ionised gas layer and

Vz ' 100 km s−1 is the vertical speed of the hot gas at the base of a galactic fountain

or wind. Therefore, it seems plausible that the large-scale magnetic field should be

mainly produced in the warm interstellar gas that remains in an average hydrostatic

equilibrium within a relatively thin layer (Shukurov, 2007). It is also important to

note that, given the large volume fraction occupied by the warm phase, it is likely to

form, on average, a simply connected (percolating) volume in which the mean field

can reside. On the other hand, the time scale of the mean-field dynamo is so much

longer than the residence time of the hot gas in the warm layer that the dynamo

might be controlled by ISM parameters averaged over time scales comparable to

TMFD, in which case, the mean magnetic field would permeate both the warm and

hot phases.

The time scale of the fluctuation dynamo TFD also exceeds the residence time of

the hot gas in the warm layer, but not by a wide margin. It is therefore plausible

that the fluctuation dynamo is able to amplify the random magnetic field in the hot

gas to the level of equipartition with the local turbulence only at a certain height

above the galactic midplane, whilst the magnetic field strength in the hot gas near

the midplane is significantly below equipartition.

The qualitative arguments presented above need to be tested quantitatively using

numerical simulations of the multi-phase ISM. The structure of this chapter is as

follows. In Section 3.1, I briefly describe the numerical simulations which are the

source of the data. The method I use to define the magnetic field lines of the mean

and fluctuating magnetic field components is covered in Section 3.2. In Section 3.3

I investigate how the mean and fluctuating magnetic field are connected to the

different phases of the ISM. The main conclusions are summarised in Section 3.4.
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3.1 Simulations of the multi-phase ISM

It is now possible to carry out magnetohydrodynamic (MHD) simulations of the ISM,

including all the relevant physical processes (e.g. Korpi et al., 1999b,a; de Avillez

& Breitschwerdt, 2005; Mac Low et al., 2005a; Gressel et al., 2008; Piontek et al.,

2009; Hill et al., 2012; Bendre et al., 2015; Henley et al., 2015). My results are based

on the simulations of supernova-driven turbulence in the multiphase ISM of Gent

et al. (2013) and Gent et al. (2013), subsequently referred to as Paper I and Paper II,

respectively. The crucial point about these simulations is that the magnetic field

has not been imposed, but evolves dynamically under realistic physical conditions

(see also Gressel et al., 2008; Bendre et al., 2015). The numerical model is based on

the non-ideal MHD equations solved in a local box of 1 × 1 kpc2 horizontally and

−1 < z < 1 kpc vertically, with the galactic midplane located at z = 0. Gravity

due to stellar mass and the dark halo follows Kuijken & Gilmore (1989). All models

are subject to radiative cooling (Sarazin & White, 1987b; Wolfire et al., 1995b),

photoelectric heating (Wolfire et al., 1995b) and other transport processes, which are

necessary to support the multiphase structure. Local estimates for the differential

rotation, supernova rate and distribution, and column density are used (see Ferrière,

2001). A nano-gauss seed magnetic field is amplified by dynamo action until it

saturates with a typical magnetic field strength of a few micro-gauss.

I follow Gent (2012) in defining the three phases of the ISM in terms of entropy.

Low entropy corresponds to cold, dense gas and high entropy corresponds to hot,

diffuse gas. The cold phase is defined as s < 4.4× 108 erg g−1 K−1, the warm phase

as 4.4× 108 < s < 23.2× 108 erg g−1 K−1, and the hot phase as s > 23.2× 108 erg

g−1 K−1. The phases of the ISM can also be defined according to temperature and

density. Specific entropy can be expressed as

s = cV [ln(T/T0)− (γ − 1) ln(ρ/ρ0)] , (3.1)

where ρ (base unit, ρ0 = 1 g cm−3) and T (base unit, T0 = 1 K) denote density and

temperature, respectively, cV is the ISM specific heat capacity at constant volume,

and the adiabatic index is γ = 5/3. The phase definitions are listed in Table 3.1

together with the typical ranges in temperature and density which apply within

these entropy bands. I consider volume and time averages of physical variables from

23 snapshots from a nonlinear MHD model that has twice the galactic rotation rate
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Table 3.1: Definition of the ISM phases.

Cold Warm Hot
s s < 4.4 4.4 < s < 23.2 s > 23.2
T T < 500 500 < T < 5× 105 T > 5× 105

ρ ρ > 10−24 10−26 < ρ < 10−24 ρ < 10−26

Entropy s in units of 108 erg g−1 K−1, temperature T in units of K, and density ρ
in units of g cm−3.

of the solar neighbourhood. Integrating MHD models to attain dynamo saturation is

computationally expensive (even the most efficient dynamo from Paper II took over

1 Gyr to reach saturation). The choice of rotation rate is a pragmatic one, designed

to optimise the efficiency of the dynamo. I will consider models with lower rotation

rates in future work. To illustrate the difference that a magnetic field makes to the

phase-structure of the ISM, I also consider snapshots taken from the kinematic phase

of the dynamo, during which the field is too weak to influence its surroundings.

3.2 The mean and fluctuating magnetic field

The decomposition of the magnetic field into mean and fluctuating (random) parts

follows the method described in Paper II. Volume averaging with a Gaussian kernel,

Gl(x−x′) is used to decompose the magnetic field, B, into mean, Bl and random,

bl, fields, following the method presented by Germano (1992). The decomposition

is given by

B = Bl + bl, Bl = 〈B〉 , (3.2)

where 〈.〉 represents an average on the scale l, calculated as

〈B〉 =

∫

V

B(x′)Gl(x− x′)d3x′, (3.3)

Gl(x) =

(
1

2πl2

)3/2

exp

{
−x

2

2l2

}
,

where l ≈ 50pc is half the integral scale of the turbulent motions. For further details

see Paper II and (Hollins et al., (in prep.). A comparison of horizontal averaging

and Gaussian smoothing is also provided in Appendix B. Preliminary analysis does
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not show significant sensitivity of the mean or random field to variations in l within

the range 30 < l < 100pc.

Given a magnetic field, B(x), in Cartesian coordinates, its integral (field) lines are

described by
dx

Bx

=
dx

By

=
dz

Bz

=
dr

|B| , (3.4)

where dr is a separation constant used to integrate along the field line. I obtain the

integral lines for both the mean and fluctuating magnetic fields by integrating these

equations using a 4th-order Runge-Kutta scheme, applying linear interpolation to

find the fields between grid points.

My aim is to determine the extent to which the mean and fluctuating magnetic field

components prefer to reside in specific phases of the ISM. However, it is difficult to

find a robust quantitative measure for this. A simple comparison of magnetic en-

ergy densities is complicated by the fact that the phases have very different physical

properties, and it is not clear how to disentangle these from differences in the dy-

namo mechanism. I suggest a different approach, based on a comparison of entropy

characteristics along field lines with the entropy distribution in the entire volume.

If a magnetic field does not prefer to reside in a specific phase, the probability den-

sity function (PDF) of entropy sampled along field lines should be the same as the

volume entropy PDF. Conversely, if a magnetic field is sensitive to the multi-phase

structure, the difference between the field line entropy PDF and volume entropy

PDF will highlight the entropy interval(s), and thus the phase, where differences

arise.

3.3 Magnetic fields in the multi-phase structure

Figure 3.1(a) compares PV (s), the volume-sampled entropy PDF, with PB(s), the

entropy PDF sampled along the mean magnetic field lines. These plots indicate

that the mean magnetic field tends to favour the low entropy zone of the warm

phase; the peak of PB(s) is located at s = 12, whereas the corresponding peak of

PV (s) is located at s = 15, and for 18 . s < 23, PB(s) is systematically lower than

PV (s). Furthermore, for entropy values in the range s > 23, PB(s) is significantly

lower than PV (s), which suggests that the mean field is generally absent from the
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hot gas. Figure 3.1(b) shows a comparison between PV (s) and Pb(s), which is

the PDF following the fluctuating (random) component of the magnetic field. The

differences between these curves are less dramatic than those shown in Figure 3.1(a).

Whilst Pb(s) systematically has a higher probability density than PV (s) for s < 15,

the difference is clearly smaller than for PB(s). The random field component is

suppressed to some extent in the hot phase, but this effect is less pronounced than

it was for the mean field.

Figure 3.2 uses a single snapshot in the nonlinear regime to give an alternative view

of these results. In panel (a), there is a large column (chimney) of hot, high entropy

gas spanning the domain horizontally and vertically, from which mean magnetic

field lines appear to be absent. This is consistent with the PDFs shown in Fig. 3.1,

further reinforcing the idea that the mean magnetic field is sensitive to the multi-

phase structure. Panel (b) shows that the mean magnetic field tends to be aligned

with the y-direction. This is unsurprising as it coincides with the direction of the

velocity shear. Panels (c) and (d) show the random (fluctuating) magnetic field in

the same snapshot. As expected, the field lines do not appear to have a preferred

direction. In addition, the random magnetic field lines do not appear to avoid the

column of hot gas in the same way as the mean field. Thus, the random magnetic

field appears to be less sensitive to the multi-phase structure. It is worth noting here

that the velocity field is in a statistically steady state in the kinematic phase. This

has been investigated by Gent (2012); Gent et al. (2013) and also in adhoc analysis

performed by the author to verify results, which also compare velocity fields with

those found in hydrodynamic simulations. Thus, the changes to velocity field can

be attributed to the magnetisation of the simulated ISM.

It remains to be understood whether the absence of the mean fields from the hot

gas is caused by the mean field being expelled by blast waves from the SN remnants.

Figure 3.3 shows that the mean and random magnetic fields reach their maximum

amplitude away from the midplane. This may indeed be due to the disruptive effect

of supernova shocks on the magnetic structure and formation, as SN explosions are

primarily confined within 200 pc of the midplane. I note that the random magnetic

field strength remains of order 1µG for |z| < 0.2 kpc, whilst the mean magnetic

field increases from 1.6µG at the midplane to 2.6µG at z = 300 pc. The mean

field strength at the midplane is remarkably consistent with the observed estimate

of Rand & Kulkarni (1989), while by comparison the random field is only 20–25%
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Figure 3.1: PDFs of entropy, PV (s), calculated from volume samples together with
(a) samples along integral lines of the mean magnetic field PB(s), and (b) samples along
integral lines of the random magnetic field Pb(s). Vertical lines show the boundaries
between the cold and warm ISM phases and the warm and hot phases.
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Figure 3.2: 3D rendering of magnetic field lines (black lines) in the simulated ISM gas,
with gas entropy in the background. Panels (a) and (b) show the mean-field lines and
panels (c) and (d) the random field lines. Panels (a) and (c) give an isometric view,
whilst panels (b) and (d) show a view through the (y, z) plane.

of their estimate or that of Haverkorn (2015). The reason for this difference is not

obvious. It may indicate that the fluctuation dynamo (which directly generates small

scale field) is less efficient than it should be, so that the observed random field is due

primarily to the tangling of mean-field lines by the turbulent velocity field. Another

possibility is the (implicit) use of longer averaging scales in the interpretation of the

observations. The domain size of 1 kpc limits the smoothing scale which can be

applied. However, these possibilities are speculative and more work is required to

understand properly the relatively weak random field in the simulations.

Looking again at Figure 3.3, there is a local maximum in the random velocity |u|
at the midplane, where the supernovae dominate the dynamics. Away from the
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Figure 3.3: Horizontal averages of mean magnetic field strength |Bl|, random magnetic
field strength |bl| and random velocity |u|, shown as functions of distance from the mid-
plane.

midplane, the random velocity decreases rapidly reaching a minimum value at ap-

proximately |z| ∼ 0.4 kpc, where the mean magnetic field is strong. At larger values

of |z|, the amplitudes of the mean and fluctuating components of the magnetic field

both decrease with increasing distance away from the midplane. In this region, the

mean magnetic field strength decreases from its maximum, 2.6µG, to 0.4µG. The

decrease in random magnetic field strength is more modest (1 to 0.3µG). The vari-

ation of the magnetic field with |z| suggests that the most efficient dynamo action

is confined primarily to regions within a few hundred parsecs of the midplane.

Figure 3.4 displays the volume weighted PDFs of entropy during both the early

kinematic and non-linear (saturated) dynamo stages. There is a difference in the

distribution of entropy between the ISM with a dynamically-insignificant (i.e. kine-

matic) magnetic field and the ISM with a dynamo-generated magnetic field, when

the dynamo has reached saturation. Whilst the modal probabilities of the warm

and hot phase are similar, the shape of the distribution is different. In the case of a

saturated dynamo, the PDF is wider in the warm phase, and has a region of higher

probability density in 10 < s < 12. In addition, saturation of the dynamo leads to
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Figure 3.4: Volume entropy PDFs for the kinematic (growing) and non-linear (saturated)
state of the dynamo. Vertical lines show the boundaries between the cold and warm ISM
phases and the warm and hot phases.

a consistent reduction of probability density for the higher entropy gas with s > 20.

Even though there is clear evidence for the existence of a warm and hot phase the

entropy distributions within the phases change as the magnetic field grows.

3.4 Summary

I have shown that the mean magnetic field is sensitive to the multiphase structure

of the ISM. The PDF analysis indicates that it resides preferentially in the lower

entropy region of the warm phase, particularly in the layer 0.2 < |z| < 0.4 kpc,

avoiding regions of hotter gas. Given the presence of the velocity shear, it is un-

surprising that this mean field tends to be aligned with the y-coordinate (i.e. the

azimuthal direction) in the model. The random magnetic field appears to be less

strongly influenced by the multiphase structure. As functions of distance from the

midplane (z = 0), the mean and random magnetic field strengths peak at |z| = 300pc

and |z| = 200pc, respectively.
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The marginal preference of the fluctuating field for low entropy regions of the warm

phase is likely to be caused by generation of the random field by tangling of the mean

field produced by the large-scale dynamo. Small-scale dynamo action may not be

fully resolved with a minimum resolution of 0.004 kpc, and so may be less efficient

than it should be, but this interpretation is speculative. Separating the two different

mechanisms, by which the random field can be produced is subtle and difficult; I

shall return to this problem in subsequent work that examines how galactic dynamos

saturate in the multi-phase ISM.

There is an increasing fractional volume of gas within the warm phase, as the mean

magnetic field grows and saturates. Whilst it was expected that the magnetic field

preferentially resides in the warm phase, this result suggests that dynamo action

actively changes the volume entropy distribution, and thus the multi-phase structure

of the ISM. This raises a significant question: does the magnetic field preferentially

reside in the warm phase, or does it adapt the multi-phase structure, in order to

create a hospitable environment for dynamo action? In other words, how does the

multi-phase structure change as the ISM becomes magnetised? I will discuss these

questions, which can have important consequences for galactic evolution, in future

work.
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Effects of the large-scale magnetic

field on the ISM

——————————————

4.1 Introduction

In the dynamics of the interstellar medium (ISM), the role of magnetic fields is

most often discussed in the contexts of the pressure support of the galactic gas layer

(Bloemen, 1987; Boulares & Cox, 1990; Fletcher & Shukurov, 2001, and references

therein), galactic winds, especially with cosmic rays (Breitschwerdt et al., 1991, 1993;

Everett et al., 2008), and star formation (Peters et al., 2011; Crutcher, 2012). There

is no clear consensus about the dynamical significance of magnetic fields in the ISM

as a whole. For example, de Avillez & Breitschwerdt (2005); Hill et al. (2012); Walch

et al. (2015) suggest a modest or negligible magnetic field contribution, while Ferrière

(2001); Cox (2005, and references therein) argue for a significant dynamical role. The

exploration of interstellar magnetic fields and their effects upon the structure and

dynamics of the multi-phase ISM is complicated by difficulties in observing them,

for example, by the absence of observational estimates for magnetic field strength

in the hot gas.

One way to clarify the picture is to employ increasingly powerful and realistic nu-

merical simulations. Numerical simulations have explored many aspects of the ISM,
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covering a variety of physical effects on a broad range of scales from sub-parsec to

kiloparsec. Each numerical model must exclude some physical processes at relevant

length and time scales, but each helps to clarify the significance of particular physical

effects. The first numerical models of the SN-driven, multi-phase ISM of Rosen &

Bregman (1995), Rosen et al. (1996), Vazquez-Semadeni et al. (1995), Passot et al.

(1995) and Gazol-Patiño & Passot (1999) were two-dimensional but the significance

of magnetic fields was evident even then. The first three-dimensional simulations

that included all ingredients required for realistic modelling of magnetic fields at

both large and small scales (differential rotation, stratification, random nature of

the gas flow and sufficiently high kinematic and magnetic Reynolds numbers) were

presented by Korpi et al. (1999b,a) while the simulations of de Avillez (2000) and

de Avillez & Berry (2001) focussed on non-magnetic effects. These are local models

with the computational domain of a kiloparsec size and numerical resolution of a few

parsecs. With the computational facilities available, global models where numeri-

cal resolution is sufficient to capture reliably the random nature of interstellar gas

flows neglect magnetic fields and are restricted to a relatively small central region

of galactic discs (within about 2.6 kpc of the centre and 0.15 kpc of the midplane) in

two (Wada & Norman, 2001; Wada et al., 2002) and three (Wada & Norman, 2007)

dimensions. Extension to a larger region is only possible at the expense of reduced

spatial resolution (Hanasz et al., 2009; Siejkowski et al., 2014).

Apart form the models of Korpi et al. (1999b), Gressel et al. (2008), Gent et al.

(2013); Gent et al. (2013) and Bendre et al. (2015), magnetic fields in these sim-

ulations are imposed (i.e. supported by initial and/or boundary conditions, even

if modified by the gas flows) rather than produced self-consistently by large- and

small-scale dynamos. I find evidence, discussed in Section 4.3.1, that the multi-phase

gas structure and galactic outflows are sensitive to the nature of the magnetic field

support, and dynamo-generated magnetic fields affect the ISM in a more profound

manner. Evirgen et al. (2017) discussed the effects of the multi-phase ISM struc-

ture on the mean and random galactic magnetic fields in a numerical simulation of

the supernova-driven multi-phase ISM. Here, I explore the effects of the magnetic

field on the ISM including its multi-phase structure, gas outflow and the force bal-

ance. I identify several effects which are rather unexpected and yet, with hindsight,

physically compelling.

The focus of this Chapter is on the dynamical role and significance of dynamo-
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generated large-scale magnetic fields. Discussion of this topic is based on changes to

the vertical and multiphase structure near the galactic disk, due to magnetisation of

the simulated ISM. Results are presented following a brief overview of the numerical

model used for the analysis.

4.2 Simulations of the SN-driven ISM

A local Cartesian box, 1×1 kpc2 in size horizontally and extending to 1 kpc on each

side of the galactic midplane, is placed at a galactocentric radius of 8 kpc (Gent

et al., 2013, hereafter, ISM I). The local Cartesian coordinates (x, y, z) correspond,

respectively, to the cylindrical polar coordinates (r, φ z) with the z-axis aligned with

the galactic angular velocity. Parameters are representative of the Solar neighbour-

hood, but with rotation double the rate in the Milky Way to accelerate magnetic field

amplification by the dynamo, as discussed in Gent et al. (2013, hereafter, ISM II)

and Evirgen et al. (2017); the numerical model used here is denoted B2Ω in Gent

(2012). Supernova sites, where thermal and kinetic energies are injected into the gas,

are distributed randomly in time and space at the occurrence frequency of the Solar

neighbourhood. The numerical resolution is 4 pc in each direction; with such a grid

spacing, it is possible to reproduce the known expansion laws of supernova (SN) rem-

nants from the Sedov–Taylor to the late snowplough phases (ISM I);(Hollins et al.,

2017b). Differential rotation is implemented using the shearing periodic boundary

conditions in the radial (x) direction. The system of non-ideal, fully compressible

and nonlinear magnetohydrodynamic (MHD) equations is solved assuming the equa-

tion of state of an ideal monatomic gas. The simulations use the ISM module of the

Pencil Code1. The momentum equation includes velocity shear due to galactic dif-

ferential rotation, the Coriolis force, viscous stress, kinetic energy injection by SNe,

and the Lorentz force. A fixed gravity field is due to the stellar mass and the dark

matter following Kuijken & Gilmore (1989). The energy equation includes viscous

and Ohmic heating and thermal energy injected by the SNe. Radiative cooling is

parametrised using the cooling functions of Sarazin & White (1987b) and Wolfire

et al. (1995b), and photoelectric heating follows Wolfire et al. (1995b). The cooling

rate is truncated at T = 100 K to avoid numerically intractable gas densities; the

heat diffusion is enhanced to ensure that gas clouds produced by thermal instability

1https://github.com/pencil-code
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Figure 4.1: Evolution of the rms magnetic field strength. During the Early (kinematic)
stage of the dynamo, the field grows exponentially. The dynamo is in a statistically steady
state during the Late stage. The blue, green and magenta shaded regions refer to the Early,
Transitional, and Late stages, respectively.

are fully resolved at the working numerical resolution (further details can be found in

Appendix B of ISM I). Self-gravity is neglected given the relatively low gas densities

in the simulated ISM, n . 102 cm−3 in terms of the number density. The induction

equation is solved in terms of the vector potential to ensure the solenoidality of the

simulated magnetic field. The detailed form of the equations can be found in ISM I.

Figure 4.1 shows the time evolution of the volume–averaged root-mean-square (rms)

magnetic field strength and introduces the Early and Late stages of the model evolu-

tion. During the Early stage, 0.78 . t . 1.15 Gyr, the magnetic field is too weak to

influence the flow or perturb the thermodynamic structure of the ISM; the dynamo

is therefore kinematic, which explains the exponential growth in the magnetic field

strength. Next follows a transitional stage (1.15 . t . 1.42 Gyr) when the growth of

the field slows down as the Lorentz force gradually becomes strong enough to exert

a dynamical influence upon the flow. The system settles to a statistically steady

state in the Late stage, t & 1.42 Gyr, where the energy density of the magnetic field
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is comparable to that of the random motions and thermal energy. By comparing

the system during the Early and Late stages (the former with a negligible magnetic

field, the latter with a dynamically significant field) it is therefore possible to iden-

tify the effects of magnetic fields on the ISM. I stress that the Early stage represents

a hydrodynamical statistically steady state of the system, whereas the Late stage is

an MHD steady state. Wherever appropriate, I present results for the transitional

stage despite its transient nature, since it may be observable in high-redshift galax-

ies and to illustrate the continuity of the adjustments between the Early and Late

stages.

4.3 Vertical structure of the ISM

It is generally accepted that magnetic fields can affect the structure and dynamics of

the interstellar medium. However, the magnetic effects are still not fully understood,

with a number of important questions still unresolved. In this section, I present

detailed comparison of the simulated ISM in its Early and Late stages to identify

the ways in which magnetic fields affect this system.

4.3.1 Changes to the vertical distribution of specific entropy

and gas density

Figure 4.2 shows the specific entropy distribution for a few representative snapshots,

at various stages of evolution of the simulated ISM. The specific entropy of the

interstellar gas is defined by

s = cV

[
ln
T

T0
− (γ − 1) ln

ρ

ρ0

]
, (4.1)

where cV is the specific heat capacity at constant volume, T and ρ are the gas

temperature and density, with the reference values T0 = 1 K and ρ0 = 1 g cm−3, and

γ = 5/3 is the adiabatic index. Specific entropy is quoted in the text in units of

108 erg g−1 K−1.

The top panels of Fig. 4.2 are taken from the Early stage (in which the magnetic

field is dynamically negligible); the bottom panels represent the Late stage (when
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Figure 4.2: Specific entropy in the (xz)-plane, corresponding to (r, z) of the cylindrical
frame, with the large-scale velocity shear in the y-direction: (a), (b) and (c) are from
the Early stage whereas panels (d), (e) and (f) represent the Late stage. The time after
the start of the simulation is given at the top of each panel and entropy colour bars are
provided at the bottom. It is evident that the system is more homogeneous in the Late
stage, with a lower abundance of the hot gas. The structures labelled (i) and (ii) in
panel (e) are discussed in the text.
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the magnetic field becomes dynamically important). Specific gas entropy s is colour

coded, with red corresponding to hot and dilute gas, and blue to cooler and denser

gas. Blue colours represent the warm phase of the simulated ISM (4.4 < s < 23.2,

500 < T < 5×105 K, 10−26 < ρ < 10−24 g cm−3 for the specific entropy, temperature

and density, respectively); the cold gas occupies a small fraction of the volume and

is hardly visible in this representation.

In the Early stage, large hot gas structures are widespread and many of them span a

large part of the domain. In the Late stage, the hot structures are typically smaller

and rounder. This suggests that the magnetic field tends to drive the system towards

a more homogeneous gas distribution, given that any qualitative changes arise from

the evolution from a hydrodynamically steady state to a magnetohydrodynamically

steady state. Some indications of this behaviour can already be seen in panel (c)

of Fig. 4.2, which corresponds to the end of Early stage (when local magnetic fields

can already be dynamically important); the regions of hot gas already seem to be

less extensive than those at earlier times.

Panel (e) of Fig. 4.2 contains two features, labelled (i) and (ii), that demonstrate

the reduced ability of hot gas to expand in the Late stage. They show hot structures

formed close to the midplane and rising to larger |z| producing little disturbance in

the surrounding gas.

Figure 4.3 provides an alternative view of the gas structure showing the horizon-

tally averaged gas density and specific entropy, as functions of distance z to the

midplane, averaged over time for the Early (17 snapshots) and Late (13 snapshots)

stages separately. During the Early stage, the mean gas density is maximum at the

midplane, decreasing rapidly with height within 100 pc of the midplane and then

more gradually. In the Late stage, there is a clear flattening of the density profile for

|z| . 0.3 kpc, but a steeper density gradient for |z| & 0.3 kpc. The specific entropy is

everywhere lower in the Late stage than it is in the Early stage, which is consistent

with the apparent reduction in the abundance of hot gas. A pronounced minimum

in the specific entropy at around |z| ' 0.3 kpc is notable – this is the same height

at which the mean density gradient changes.

Hill et al. (2012, their Figure 9a and Table 4) present vertical profiles of gas density

in MHD simulations of the SN-driven ISM where the magnetic field is not generated

self-consistently by the dynamo action, as in our model, but imposed to be initially
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Figure 4.3: The horizontally averaged (a) gas density and (b) specific entropy versus
distance to the midplane, |z|, further averaged over time for the Early (solid, blue) and
Late (dashed, magenta) stages of the evolution.
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independent of x and y and scale with the initial gas density as n1/2(z). This model

shows that the gas distribution is rather insensitive to the strength of the magnetic

field, when it varies between 0 and 10 µG at the midplane. The vertical gas density

profile in the Early stage of our Model is similar to the density profiles of Hill et al.

(2012). Thus, the ISM containing magnetic field produced by the system itself

in a self-consistent manner via dynamo action is very different. Numerical models

which do not allow for dynamo action commonly use a priori assumptions regarding

magnetic field strength and spatial form. For example, de Avillez & Breitschwerdt

(2005), Hill et al. (2012) and Girichidis et al. (2016) use an initial field of micro-gauss

strength, where the strength of the uniform component scales with the gas density as

n(z)1/2, decreasing monotonically with distance from the midplane. These authors

find that the magnetic field does not contribute to vertical force balance as magnetic

pressure gradient and magnetic tension compensate each other. In our simulations,

and those of Gressel et al. (2008) and Bendre et al. (2015), dynamo action changes

the vertical distributions of the magnetic field strength and gas density, leading to a

different dynamical role to that seen in models with a strong initial magnetic field.

4.3.2 Enhanced cooling of hot gas in a magnetised ISM

The effects described above are noticeable over a scale of hundreds of parsecs. How-

ever, both the smaller size of hot gas structures, seen in Fig. 4.2, and the decrease

in entropy – particularly close to |z| = 300 pc, seen in Fig. 4.3 b, suggest that hot

gas is affected by the magnetic field at smaller scales as well. I find that the frac-

tional volume of the hot gas decreases from 20–25% in the Early stage to 1–5% in

the Late stage. Makarenko et al. (2018) also find differences in the topology of gas

density fluctuations, between the Early and Late stages, which suggest that the ISM

becomes more homogeneous as the magnetic field grows. As shown in Fig. 4.4, the

average number density of the hot gas increases by a factor of two from the Early

to the Late stage. This enhances the cooling rate but cannot account fully for the

reduction in the fractional volume of the hot gas by a factor of more than five.

The cooling of the hot gas is further enhanced by its longer residence time near the

midplane, as its outflow is quenched by the magnetic field. This is reflected in the

decrease of cooling length of hot gas, which is defined as Lc = τcUhot, where Uhot is

the mean vertical velocity of the hot gas shown in Figure 4.5 (b) and τc = cV T/(ρΛ)
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Figure 4.4: The average number density of the hot gas at various stages of magnetic field
growth. The Early, Transitional and Late stages are represented by blue stars, green
circles, and magenta diamonds, respectively.

is the radiative cooling time, with Λ the cooling function (described in detail in Gent

et al., 2013), cV is the specific heat and T and ρ are the gas temperature and density.

The cooling length represents the distance over which the hot gas loses a significant

part of its thermal energy as it flows away from the midplane. Figure 4.6 shows that

the cooling length decreases from 50–100 kpc in the Early stage, to about 1 kpc in

the Late stage. The former value is significantly larger than the vertical extent of

the simulation domain (and the galactic disc), which suggests that hot gas leaves

the disc with only a modest radiative cooling. Conversely, in the Late stage, the

cooling length becomes comparable to the vertical extent of the simulation domain,

indicating that hot gas cools down significantly even within the disc. The magnetic

fields affect the abundance of hot gas in two indirect ways: firstly, it enhances the

cooling rate of the hotter gas by increasing its density; secondly, it opposes the

outflow of the hot gas from the midplane, allowing it to cool for a longer time.
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Figure 4.5: (a) The horizontally averaged vertical velocity versus |z| in the Early (solid,
blue) and Late (dashed, magenta) stages of magnetic field evolution (b) as in panel (a)
but for the hot gas alone.
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Figure 4.6: The evolution of the cooling length of the hot gas. The Early, Transitional
and Late stages are represented by blue stars, green circles, and magenta diamonds, re-
spectively. The typical cooling length is 70 kpc in the Early stage and 1 kpc in the Late
stage.

4.3.3 Magnetic quenching of vertical velocity

There are contradictory opinions about the effects of magnetic fields in galactic out-

flows. Boulares (1988), Boulares & Cox (1990), Passot et al. (1995), and Bendre

et al. (2015) suggest that a large-scale magnetic field does affect vertical gas mo-

tions. However, the numerical simulations of de Avillez & Breitschwerdt (2005), Hill

et al. (2012) and Girichidis et al. (2016) find no evidence for such an effect with an

imposed plane-parallel magnetic field. To determine whether the decrease in vertical

velocity is connected to the magnetic field, I examine the relationship between the

dependence of the mean vertical velocity |〈Uz〉xy| on mean magnetic field strength2

It is useful to compare with Figure 6 of Bendre et al. (2015). Our results can be

approximated by

|Uz| ≈
U0

1 + |ξ〈B〉xy/〈Beq〉xy|n
, (4.2)

where Beq, a function of z, is the local equipartition magnetic field strength, B2
eq =

4πρu2, where u is the turbulent gas velocity. The fitted values for U0, ξ, and n are

2The total magnetic field is decomposed into mean and random components using horizontal
averaging. I also use horizontal averaging to calculate vertical profiles of quantities presented in
this Chapter, which is shown in Figure 4.7.
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Figure 4.7: The dependence of the mean vertical speed on the strength of the mean
magnetic field at various distances from the midplane: (a) 0 ≤ |z| ≤ 0.15 kpc, (b) 0.15 ≤
|z| ≤ 0.30 kpc, (c) 0.3 ≤ |z| ≤ 0.6 kpc and (d) 0.6 ≤ |z| ≤ 1.0 kpc. The data points
represent horizontally averaged values of the mean vertical speed in individual snapshots
in the Early (blue star), Transitional (green circle) and Late (magenta diamond) stages of
magnetic field evolution. Parameters of the fits (4.2), shown in black solid lines, are given
in Table 4.1.

Table 4.1: Fits to the outflow speed, of the form (4.2), at various distances |z| from the
midplane.

Distance to the midplane [kpc] U0 [km s−1] ξ n
|z| < 0.15 11 1.7 2.7

0.15 < |z| < 0.3 17 1.4 2.4
0.3 < |z| < 0.6 17 2.1 1.9
0.6 < |z| < 1.0 11 1.9 1.5
|z| = 0.8 (Bendre et al., 2015) 12 1.2 2

given in Table 4.1. Bendre et al. (2015) show a similar relation between |〈Uz〉| and

〈B〉xy/〈Beq〉xy (Figure 6). While fitted parameters differ, both fits feature a steep

decrease in vertical velocity for values of this ratio above a threshold value. I find

that this threshold value is 0.1− 0.2, in agreement with Bendre et al. (2015).

4.4 Gas pressure

Figure 4.8 shows vertical profiles of various pressure components for the Early and

Late stages. In the Early stage, thermal and kinetic pressure are dominant; while

magnetic pressure is approximately an order of magnitude smaller. The total pres-
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sure gradient is constrained by the weight of the gas and the strength of the gravity

field. The latter does not change during the simulation, so the increase over time

in the vertical gradient of the total pressure is due to the ejection of gas to larger

altitudes. The contributions of the thermal and turbulent pressures decrease to-

gether with the total pressure as the magnetic field grows (the relative contribution

of the turbulent pressure decreases especially strongly in the Late stage) as they are

replaced by the magnetic pressure. The contributions of the gradients of the various

pressure components to the force balance are discussed in Section 4.5.

Remarkably, magnetic pressure is the only part of the total pressure that varies

with |z| non-monotonically, confining the gas at |z| . 0.3 kpc and producing an

outwardly directed force above that level. In the Late stage, magnetic pressure is

within an order of magnitude of thermal and kinetic pressure within 200 pc of the

midplane. It is in equipartition with thermal pressure, and in supra-equipartition

with kinetic pressure further away from the midplane. A stronger magnetic field

may be produced near the midplane and advected to larger altitudes to dominate

over the random flows there, as I discuss in Section 4.6.

4.5 Vertical force balance

To understand the dynamics of the ISM, in particular the effects of magnetic tension

and pressure gradient on the vertical flow, I consider the averaged vertical momen-

tum equation

∂

∂t
〈ρUz〉xy = 〈ρgz〉xy −

∂P

∂z
+

1

4π
〈(B · ∇)Bz〉xy +D, (4.3)

where the total mean pressure is

P = 〈pth〉xy +
1

8π

〈
|B|2

〉
xy

+
〈
ρU2

z

〉
xy
, (4.4)

pth is thermal gas pressure, ρ is the gas mass density, gz is the vertical gravitational

acceleration, and D represents diffusion terms, including numerical diffusion. Here,

ρU2
z is the sum of turbulent and ram pressures. I do not attempt to separate

the turbulent and ram pressure components since the bulk motions such as wind

or fountain flow are an essential part of vertical force balance. I compute and
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Figure 4.8: Vertical profiles of the total pressure, ptot = pth + pkin + pB, thermal pressure
pth, turbulent pressure pkin, and magnetic pressure pB, and their variation as the system
evolves from the (a) Early to (b) Late stage.
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compare individual terms in this equation but, since the physical diffusion is just

one contribution to the momentum dissipation, I do not include the diffusion term

in the analysis that follows. This should be kept in mind when discussing the force

balance but this does not affect our conclusions regarding the relative magnitudes

of various terms. The derivation of this equation, in the absence of diffusion, is

provided in Appendix C.

Figure 4.9 show the vertical profiles of the individual terms in the vertical momentum

equation (4.3) for the Early (upper row), Transitional (middle) and Late (bottom)

stages, respectively. The contribution of gravity is shown in all panels with solid blue

for reference. The magnetic pressure gradient and tension are negligible in the Early

stage, Fig. 4.9 a, when the magnetic field is still growing exponentially and has minor

dynamical significance. The thermal pressure gradient (dotted, magenta) is close

to balance with the gravity force, exceeding it most notably around |z| = 0.2 kpc

to drive the systematic gas outflow. The turbulent pressure gradient (dash-dotted,

green) is subdominant. This picture remains qualitatively similar in the Transitional

stage but the magnetic pressure gradient (dashed, black) already makes a noticeable

contribution to the force balance. The importance of magnetic pressure increases

in the Late stage where it assists gravity to confine the gas layer at |z| < 0.3 kpc,

but combines with thermal pressure against gravity at larger distances from the

midplane. Horizontally averaged magnetic tension (solid, blue) opposes the magnetic

pressure gradient but this force is subdominant at all times and all altitudes. The

turbulent pressure gradient is also weak.

Altogether, the vertical force balance is dominated by gravity and the thermal pres-

sure gradient. Contrary to the suggestion of Boulares & Cox (1990), magnetic

tension is negligible within |z| . 1 kpc and I expect it is unlikely to become more

important at larger altitudes.

4.6 Vertical distribution of the mean magnetic

field

A notable and unexpected feature of the distribution of the magnetic field is that it

has its maximum away from the midplane as shown in Fig. 4.10. In the Late stage,

the maximum of the mean field strength is located around |z| ' 250 pc, while for
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Figure 4.9: Horizontal averages of the individual terms in the vertical momentum equa-
tion (4.3) in the (a) Early, (b) Transitional and (c) Late stages, from top to bottom. The
vertical profile of the gravity force (solid, light-blue) is shown in all panels for reference,
thermal and magnetic pressure gradients are shown dotted (magenta) and dashed (black),
respectively, and magnetic tension and turbulent pressure gradient are shown solid (blue)
and dash-dotted (green), respectively.
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Figure 4.10: The vertical profiles of (a) mean and (b) random magnetic field strength in
the Early (blue, dashed) and Late (magenta, solid) stages.

the random field it is slightly nearer the midplane at |z| ' 200 pc.

The mean magnetic field can be redistributed from the midplane by turbulent dia-

magnetism, i.e. the transport of the mean magnetic field from a region with en-

hanced turbulence at an effective speed of −1
2
∇ηt, where

ηt '
1

3
τu20 '

1

3
u0l0,

is the turbulent magnetic diffusivity, τ and l0 the correlation time and length of the
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flow, u0 its rms speed (Zeldovich, 1957; Roberts & Soward, 1975). The correlation

length, l0, of the random velocity in the warm gas increases from about 70 to 100

pc between |z| = 0 and 0.4 kpc, whereas u0 decreases from 13 to 4 km s−1, over the

distance ∆z = 0.4 kpc (Table 3 of Hollins et al., 2017a). Thus,

−1

2
∇ηt ' −

1

6

∆(l0u0)

∆z
' 0.2 km s−1,

where ∆ denotes the increment in the corresponding variable. With these esti-

mates, the maximum of the mean magnetic field would be displaced away from the

midplane by a distance of −1
2
t∇ηt ' 120 pc over a period of 0.6 Gyr. While this

cannot fully account for the location of maximal field strength in Fig 4.10, turbulent

diamagnetism probably contributes to the transport of mean magnetic field. The

magnetic pressure exceeds the turbulent (kinetic) pressure at |z| > 0.2 kpc (as shown

in Fig. 4.8), which also suggests that magnetic field is systematically transported

away from its generation region.

Since a significant part of the random field is generated by tangling of the mean

field by the random flow, it is understandable that both have a maximum away

from z = 0 kpc.

Another factor that could contribute to the non-monotonic variation of the mag-

netic field strength with |z| is a similarly non-monotonic distribution of intensity of

dynamo action, quantified by the dynamo number. However, careful assessment of

this possibility requires sophisticated dedicated analysis, which is beyond the scope

of this Thesis.

As mentioned above, I do not suggest that the vertical profiles shown in Figures 4.3

and 4.10 necessarily occur in the Milky Way or any other specific galaxy but rather

argue that this behaviour is physically meaningful and that its possibility should

be kept in mind in the interpretation of observations and the assessment of various

effects of interstellar magnetic fields.

4.7 Summary

I have found a significant qualitative difference between magnetic effects in our

model (in agreement with the results of Bendre et al. (2015)) and those models
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adopting strong imposed magnetic fields. Any numerical model of this kind must

provide an initial value and spatial configuration for the magnetic field. If a strong

imposed field is used, then it is crucial to use a spatial configuration which reflects

the configuration of the evolved magnetic field.

I find that systematic outflow speed is reduced throughout the disc and disc-halo

interface as the magnetic field grows, approximated by Eq. (4.2). Below |z| =

300 pc the magnetic pressure gradient opposes the outflow of gas driven by thermal

pressure. I, and Bendre et al. (2015), find that there is a rapid decrease in Uz for

Bh/Beq > 0.1−0.3. Models with imposed magnetic fields do not capture this effect,

which is vital to modelling how outflows feed the galactic halo.

Magnetization of the simulated ISM leads to an increase in the density of hot gas,

particularly close to the midplane where hot gas is produced by SNe. However, I

also find that fractional volume of hot gas decreases by up to an order of magnitude

from the Early to the Late stage, due to an increased cooling rate and a reduced

outflow speed of the hot gas. This is evident in the visualisation shown in Fig. 4.2,

with the hot gas structures becoming more compact as the magnetic field grows.

I do not include SN clustering in our simulations since the size of such clusters, iden-

tified with OB associations, is comparable to the horizontal size of the computational

domain, which is approximately 1 kpc. The SN clustering in such a relatively small

region is better simulated as a time variation of the SN rate. The random variations

of the SN rate in our simulations mimics the clustering.

The changes outlined above combine to produce a qualitative change in the vertical

density profile of ISM gas between the Early and Late stages. Once the magnetic

field has reached a steady state, the density profile is flatter within 300 pc of the

midplane. Above this height the density decreases more rapidly with distance from

the midplane compared to the Early stage.
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The effect of magnetic fields on

supernova explosions
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Chapter 5

Magnetic effects on individual

supernova explosions

5.1 Overview

Results presented in Chapters 3 and 4 show that fractional volume and mass of hot

gas, in numerical simulations of the ISM, decrease as the magnetic energy becomes

dynamically significant. There are clear signs, in Fig. 4.2, that hot gas structures

become smaller in the non–linear stage of the simulation. While a number of factors

contribute to the decreasing gas temperature, it is possible that the properties of

hot gas are altered by the magnetic field during the injection stage by SNe.

5.2 Introduction

My initial aim is twofold: to examine the effects of large-scale magnetic fields in

isolation, and to assess the claim that large-scale magnetic fields do not affect mo-

mentum injection in SN remnants. In order to make direct comparison, I use similar

parameters to numerical models from earlier studies.

SN explosions are a major component of larger-scale numerical models of galax-

ies, evolving turbulence in which SN remnants are more realistically embedded.

Remnant-scale modelling provides necessary constraints on the critical aspect of en-

61



Chapter 5. Magnetic effects on individual supernova explosions

ergy injection to apply in the larger simulations. However, a less idealized model

will ultimately be required for comparison with SN remnant observations. None the

less, starting with an idealised model is useful for two reasons:

1. Attempting to extract the effects of any particular dynamical process or phys-

ical variable, such as the magnetic field, in non-linear, compressible turbulence

simulations of the ISM requires untangling of dynamical processes which inter-

act (often in a non-linear manner) with each other. Introducing new physics

gradually will enable clearer comparisons, and an incremental development of

understanding.

2. There are a number of results concerning the evolution of SNe using both

HD and MHD simulations, which use an idealised set up for the ambient gas.

When I first ran these simulations, I did so with the intention of reproducing

known results before running SNe simulations with more physics included.

However, I have found a number of new results which I discuss in this chapter.

In Section 5.3, I present details of the numerical model, which uses the PENCIL code.

I then discuss magnetic effects on the aspect ratio of SN remamnts in Section 5.4.

This is followed examination of the effect of large-scale magnetic fields on momentum

injection by SN remnants in Section 5.5. In Section 5.6 I discuss magnetic effects on

the thermodynamical properties of SN remnants. Residual energy injection by the

remnants into the ISM is measured in Section 5.7 and I consider the critical magnetic

field strength for MHD effects to become important in Section 5.8. I present a

summary and discussion of results in Section 5.9.

As a sanity check I perform shock-tube experiments which verify the qualitative

results are not sensitive to numerical recipes or parameters. These are external to

the focus of the chapter, so I discuss them in Appendix E.1. I explore the effect of

physical parameters on 1D HD and MHD shocks. Section E.2 provides a preliminary

set of results on the effects of large-scale magnetic fields on 1D shocks in ambient

gas densities ranging from n = 10−2 cm−3 to n = 10−2 cm2.
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5.3 Numerical methods

Here I explore further the MHD effects, especially momentum injection, the anisotropy

of the remnant, and effects on the gas and density distribution within the remnant.

I use the Pencil Code1, adapted for highly compressible nonideal MHD turbulence.

The MHD equations applied include the compressible form of the continuity equation

Dρ

Dt
= +ρ̇SN − ρ∇ · u+ ζD∇2ρ+ ∇ζD ·∇ρ, (5.1)

where ρ is the gas density and ρ̇SN is the mass of the SN ejecta, which for the purposes

of these experiments is set to zero. An artificial shock dependant mass diffusion, ζD,

is required for numerical stability in simulations of the SN-driven turbulent ISM.

ζD ∝ fshock, where

fshock =
〈

max
5

[
(−∇ · u)+

]〉
(min (∆x,∆y,∆z))2 . (5.2)

This is described in Gent et al. (2019), along with shock dependant diffusivities

included in the following equations. The material derivative is

D

Dt
=

∂

∂t
+ u ·∇.

The momentum equation evolving velocity, u, includes an artifical shock dependent

viscosity, ζν and a momentum conserving correction term for ζD from Equation (5.1).

The pressure force is expressed in terms of specific entropy, s, specific heat capacity

of the gas at constant pressure, cp, and sound speed, cs, yielding

ρ
Du

Dt
= −c2sρ∇

(
s

cp
+ lnρ

)
+ ∇ · (2ρν∇S) + j ×B

+ρ∇ (ζν∇ · u)− u
(
ζD∇2ρ+ ∇ζD ·∇ρ

)
. (5.3)

This also includes the Lorentz force due to the magnetic field, B, and the current

density, j = µ−10 ∇×B. The vacuum magnetic permeability is denoted µ0. Viscous

stresses are accounted for through the shear viscosity ν within the divergence of the

1 https://github.com/pencil-code
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rate of strain tensor S, defined by

2Sij =
∂ui
∂xj

+
∂uj
∂xi
− 2

3
δij∇ · u, with S2 ≡ SijSij.

The energy equation is evolved in the form of the specific entropy with

ρT
Ds

Dt
= σ̇SN + ρΓ − ρ2Λ+ 2ρνS2 + ηµ0|j|2 (5.4)

+∇ · (cp[χ+ ζχ]ρ∇T )

−cv T
(
ζD∇2ρ+ ∇ζD ·∇ρ

)
,

where T denotes the gas temperature and cv the specific heat capacity of the gas

at constant volume. Heat sources and sinks include SN explosion thermal energy,

σ̇SN = 1051 erg at time t = 0, and viscous and Ohmic heating, in which η denotes the

resistivity. As applied in Gent et al. (2013), the radiative cooling, Λ, applies Wolfire

et al. (1995b) at lower temperatures and Sarazin & White (1987a) for the hot gas.

Diffuse UV-heating, Γ , follows Wolfire et al. (1995b). Thermal conductivity, χ and

shock dependant ζχ are applied, and an energy conserving correction term due to

ζD from Equation (5.1).

The induction equation is solved in terms of the vector potential, A, which conserves

∇ · B = 0 by design. In contrast to the previous equations I do not include any

shock capturing resistivity, as this has the unphysical effect of suppressing magnetic

field in the SN remnant shell through excessively rapid diffusion (reconnection).

However, I am interested in investigating the nature of dynamo in the turbulent

ISM, so isotropic resistivity is included to yield

∂A

∂t
= u×B + η∇2A+ ∇ ·A∇η. (5.5)

The system of equations is completed by the ideal gas equation of state with adi-

abatic index γ = cp/cv = 5/3. The monatomic gas with hydrogen and helium

abundances representative of the Solar neighbourhood of the Milky Way has mean

molecular weight 0.531 when assumed to be fully ionised. A comprehensive descrip-

tion of the Pencil Code application to SN driven ISM turbulence is given in Gent

(2012, Chapter 3), while the further enhancement of shock handling and stability

methods for reproducing SN blast waves in HD are presented in Gent et al. (2019).
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Here, I consider a plane-parallel uniform magnetic field B = (0, B0, 0), for B0 ∈
[0, 5]µG. With a fiducial gas number density, n0, for the ambient ISM of 1 cm−3

and resolution 0.5 parsec along each side, I use a Cartesian grid of 5282 by 576

parallel to the field. For consistent thermal pressure in the ambient ISM throughout

the duration of the model blastwaves I set a thermal equilibrium temperature of

T ' 2500 K (Wolfire et al., 1995b, see Figure 3) and (Sánchez-Salcedo et al., 2002,

see Figure 1).

The numerical model uses constant magnetic resistivity, η = 8 · 10−4 kpc km s−1 and

sound speed dependent viscosity, ν = ν0cs, where ν0 = ∆x = 5 · 10−4 kpc is the

grid resolution, and cs is the speed of sound. A test of alternate Prandtl numbers

produced qualitatively similar solutions, and results were convergent with resolution

of 0.5 pc, other than a thinner more dense remnant shell.

The SN energy (1051 erg) is injected into an injection site at the centre of the simu-

lation domain (0, 0, 0) with radius 6 pc in a Gaussian profile centered of the injection

site. The energy injected into the site is purely thermal.

5.4 SN remnant aspect ratio

I show the radial profiles of gas density in Figure 5.1, perpendicular and parallel to

the magnetic field, for models with B0 = 0, 0.5 and 5µG. With a weak magnetic

field B0 ≤ 1µG, the evolution of the remnant is very similar to the HD model. With

stronger B0 the remnant core is less diffuse, and the slightly less dense remnant shell

parallel to the field is coincident with the HD model shell. However, perpendicu-

lar to the field the mass profile of the remnant is substantially altered. Mass is

more confined within the remnant, but Figure 5.1 also shows that the SN shockwave

propagates faster perpendicular to the magnetic field while carrying less mass at the

shock front. Panel (a) shows that these magnetic effects are already noticeable by

400 kyr into the evolution of the remnant.

Figure 5.2(a) shows the shockwave at 2 Myr compressing magnetic field lines to form

a dense magnetic collar. Magnetic field is initially evacuated from the core of the

remnant. It is evident that the MHD remnant core geometry resembles a prolate

spheroid with the polar radius parallel to the magnetic field. The ratio of polar to

equatorial radius increases with field strength. In contrast, the remnant shock front
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Figure 5.1: Radial profiles of gas density perpendicular (left column) and parallel (right
column) to the magnetic field at t = 400 kyr (top row) t = 1 Myr (middle row) and
t = 2 Myr (bottom row).

forms the surface of an oblate spheroid with equatorial radius perpendicular to the

magnetic field. This ratio of polar to equatorial radius decreases with field strength.

Figure 5.2(b) shows the structure of flows driven by the remnant in a strongly mag-

netized ambient ISM. The shockwave drives outward flows as expected. I find inward

flows of comparable speed to the outward flows. There are retrograde shocks to-

wards the core in all the models, but for the HD and weakly magnetic models these

carry negligible mass. For strong B0 the magnetic forces drive inward gas flow from

the shell, perpendicular to the magnetic field. As the flow approaches the thermally

dominated core, the outward thermal pressure gradient channels the flows parallel
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Figure 5.2: Cross-section of the strongly magnetized remnant at 2 Myr, with (a)magnetic
field lines and (b) velocity stream lines overlaid. Line thickness is proportional to field
strength.
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Figure 5.3: SN remnant radius, R⊥, perpendicular and R‖, parallel to B0. Numerical
solutions are compared to the HD analytical solution (Cioffi et al., 1988).
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Table 5.1: Details of fits for R⊥(t) = R0(t/1 Myr)α.

Parameter B0 [µG]

0 0.5 1.0 3.0 5.0
R0 [pc] 59 59 59 66 70
α 0.28 0.28 0.28 0.34 0.39

to the magnetic field, creating a quadrupolar velocity field between the shockwave

and core. In the HD and weakly magnetized remnants, the internal gas flows of the

remnant remain radially outward.

By 2 Myr the magnetic field along with some of the gas, has filled almost half the

remnant void behind the shock front. This forms an inter-shock region between the

core of the remnant and its shell. At even later times the field strength throughout

the inter-shock region is close to its original strength. The gas in the core remains

hot and diffuse, with magnetic field strength considerably weaker than outside the

core.

Figure 5.3 shows the radial evolution of the shockwave for the HD, weakly magne-

tized and strongly magnetized remnants. The HD remnant has a single characteristic

length; the shockwave radius, since the shockwave and core are coupled. This shows

good agreement with the analytical solution of Cioffi et al. (1988) for a spherically

symmetric model2. Shock wave radii are near identical for all models, parallel to

the magnetic field. The weakly magnetized remnant behaviour in Figure 5.3 closely

resembles that of the HD remnant. However, perpendicular to the strongly magne-

tized field the shockwaves diverge from the other profiles near t = 200 kyr. When a

profile of the type, R⊥ ∝ tα is fitted, with fit parameters shown in Table 5.1, I find

that α increases with magnetic field strength, which shows that the shock propa-

gates faster perpendicular to the magnetic field for stronger magnetic fields. Details

of the curve fitting are provided in Appendix D.

Given the ubiquity of magnetic fields in the ISM, it is reasonable to anticipate

spheroid morphology to be common in SN remnants. This may be useful in un-

derstanding the 3D structure of observed remnants. For example, G351.0-5.4, dis-

2After 700 kyr, there is a small difference between the Cioffi et al. (1988) analytical solution
and the HD shock radii in both directions. However, Cioffi et al. (1988) truncate cooling below
T ∼ 104 K and Gent et al. (2019) show that the late-stage difference between the analytical and
numerical solutions is a due to further cooling.
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covered in de Gasperin et al. (2014) is modelled in first approximation as spherical.

This may be reasonable for observations of the shell, which from the models appears

only slightly oblate, but misleading for the remnant core. Alternatively, compar-

isons of gamma-ray and radio data around remnant W44 (Cardillo et al., 2014)

indicate a smaller spheroid in gamma-ray emission with polar radius offset from the

surrounding spheroid in radio emission, and the presence of magnetic field in the

shock B ≥ 102 µG. Complex interaction with molecular clouds and the turbulent

ISM affect the morphology of the remnant, but the inter-shock region may also be

part of the explanation for the misalignment in the observational profiles.

Modelling the local bubble of the Milky Way with a prolate sphere Alves et al. (2018)

find this a reasonable fit even for the magnetic shell. In contrast to the findings, they

determine the remnant field to be vertical, out of alignment to the neighbourhood

galactic field, and highly anisotropic between North and South. Perhaps, however,

an oblate spheroid shell with polar axis parallel to the galactic plane would be an

alternative model consistent with the galactic magnetic field.

Any speculation about how the results relate to observational features, is highly

tentative at this stage. The large scale alignment of magnetic fields in the ISM will

surely not be uniform on scales of a few parsecs. The structure of the turbulent

magnetic field, the stratification and inhomogeneity of the gas density and temper-

ature, and the turbulent motion of the ambient ISM will be considered in future

work, let alone the effects of chemistry and ionization on the observational signa-

tures. Anisotropy of SN remants may of course also arise independent of magnetic

effects.

5.5 Magnetic effect on momentum injection by

SNr

5.5.1 SN merge time

Before considering the momentum injection by an individiual remnant, I consider

the time taken for the SN to ‘merge’ into the surrounding gas, which is the time at

which the shock speed becomes comparable to the ambient speed of sound, Ṙ ∼ cs.
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Figure 5.4: Mach speed at the shock (a) perpendicular and (b) parallel to the magnetic
field.

In this numerical set up, with ambient temperature T ∼ 2500 K, ambient sound

speed is cs ∼ 8 km s−1.

I define the Mach speed of the SN shock as Ṙ⊥/cs and Ṙ‖/cs perpendicular and

parallel to the magnetic field, respecively. In the parallel direction, all the SN shock

for all models become subsonic after 2 Myr. Similarly for weak B0, the perpendicular

shock also becomes subsonic after this time. However, for B0 ≥ 3µG, the increase
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in shock speed results in a delay in the shock becoming subsonic. For the B0 = 5µG

model, the shock still has not become subsonic. Nevertheless, for the purposes

of exploring momentum injection by the remnants, I use 2 Myr as the effective

merge time with the surrounding gas. None the less, there is the possibility that

magnetic effects persist beyond this merge time, owing to the magnetically enhanced

shock velocity perpendicular to the large-scale magnetic field. Given that the SN

shock effectively ‘decouples’ from the core perpendicular to magnetic field, it could

be considered a separate entity after the merge time. Even if it did not further

enhance momentum injection, it could continue to effect the local thermodynamical

properties.

However, this is better viewed tentatively for now, as such an idea would need to

be tested in a model which accounts for local gas density inhomogeneities and other

interacting shocks which are a ubiquitous in the ISM.

5.5.2 Momentum injection

In a typical HD supernova explosion, the propagation of the shock, and subsequent

momentum injection into the surrounding medium, is dominated by the thermal

pressure gradients, which evacuate mass from the core into the blastwave. In a

very similar physical set up to mine, Kim & Ostriker (2015) find the SN terminal

momentum injection to be about 4× 105 M� km s−1, defined by

Mun =

∫

V

ρ (u · n̂) dV, (5.6)

where n̂ is the radial unit vector from the centre of the SN explosion.

I consider this calculation with a modification to account for non-spherical expansion

of the SN remnant. The most general approach would be to adopt a tri-axial ellipsoid

profile. However in this case, the remnants have two distinct length scales, the SNR

radius parallel and perpendicular to the magnetic field, R‖ and R⊥, respectively.

This change produces a bi-axial ellipsoidal remnant, rather than the spherical HD

remnants. The ellipsoidal surface is represented by

g(x) =

(
x

R⊥

)2

+

(
y

R‖

)2

+

(
z

R⊥

)2

, (5.7)
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Figure 5.5: Time evolution of (a) total and (b) outward momentum injection for a
number of SN models with magnetic field strengths B0 ∈ [0, 5] µG. Momentum, at a given
snapshot, is calculated as

∫
V ρ (u · n̂) dV , where n̂ is the radial unit vector from the centre

of the SN explosion.
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Figure 5.6: Radial profiles perpendicular to the magnetic field at 1 Myr (left column) and
2 Myr (right column) of magnetic field strength (top row), momentum (middle row) and
velocity (bottom row).

where x and z are the directions perpendicular to the magnetic field, and y is parallel

to the magnetic field. Here g(x) = 1 represents the remnant shell.3 I now define the

normal to the shell as

n̂ =
∇g
|∇g| ,

where

∇g =

(
2x

R2
⊥
,

2y

R2
‖
,

2z

R2
⊥

)
.

It can be shown that R⊥ = R‖ leads to a spherical remnant profile and n̂ = x̂.

3g(x) = k, where 0 ≤ k ≤ 1, represent contours of the remnant.
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Figure 5.7: Force density, f perpendicular to magnetic field with the HD (left column)
and B0 = 5µG (right column) models at at t = 1 Myr (top row) and t = 2 Myr (bottom
row). The vertical scale across the shaded area is linear and logarithmic elsewhere.

With this definition for n̂ applied to Equation (5.6), I obtain total momentum in-

jection 4× 105 M� km s−1 for the HD remnant, similar to Kim & Ostriker (2015). I

plot the evolution of total momentum for the HD and a range of MHD remnants in

Figure 5.5 (a). As the thermal pressure gradient reduces in the remnant the pres-

sure driven snowplough (PDS) transitions to the momentum conserving snowplough

(MCS), as described by Cioffi et al. (1988).

Figure 5.5(a) In terms of overall momentum injection, the HD and MHD models are

very similar (if not identical). Momentum injection is only marginally reduced for

the B0 = 5µG model, which is likely to be explained by inward momentum injection.

In fact, in Panel (b), I present only the outward momentum injection, and find that

all models are very similar until the SN merges with the surrounding gas.

Kim & Ostriker (2015) find that momentum injection ceases within two to three

shell-forming times, before the magnetic energy becomes comparable to the thermal

energy in the shell. Subsequently, they argue that magnetic effects will not lead to

further momentum injection by the remnant.
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While the quantitative results agree, it is clear that the presence of the magnetic field

changes the way in which momentum is injected, despite not affecting the overall

momentum injection profile in these models. It is perhaps worth noting that where

the local large-scale field is stronger than 5µG, we may expect to see quantitative

changes to momentum injection.

To illustrate what is changing due to the strong MHD I show radial profiles perpen-

dicular to the magnetic field at 1 Myr and 2 Myr in panels (a) and (b), respectively

in Figure 5.6 of the magnetic field strength (top), velocity (centre) and momentum

(bottom).

Momentum in the shell of the HD remnant is a factor of 4–6 higher and centered

narrowly about the shock front. The MHD shock in all profiles is broader, pro-

jecting both in advance of the HD shock position and including an extended weak

inward momentum behind the shock front. Even though inward momentum is weak

compared with the outward momentum at the SN shock, it is clearly dominant over

the minimal outward momentum of the hot, diffuse core, as seen in Figure 5.6(c)

and (d). Panels (c) and (d) show that the HD model does not feature inward gas

motion, which explains the absence of inward momentum in the HD models.

In order to explore how momentum injection changes in MHD remnants, I consider

the momentum equation perpendicular to B0,

ρ
Du⊥
Dt

= − ∂

∂R⊥

(
p+
|B|2
2µ0

)
+

1

µ0

(B ·∇)B⊥ +D, (5.8)

where p denotes thermal pressure and D refers to diffusive terms in the equation.

For the analysis, I am interested in the interaction between the pressure gradient

terms and the magnetic tension term on the right hand side of the equation.

For the strong MHD model Figure 5.7 shows the forces applying perpendicular to

B0 at t = 1 Myr, Panel (a) and t = 2 Myr (b). Interestingly, the very large thermal

pressure gradient extending through the inner core to about 40 pc at 1 Myr is con-

fined to only 40 pc by 2 Myr. A negative thermal pressure gradient does evolve in the

wake of the shock, and this is true also for the HD remnant. The negative thermal

pressure gradient region is wider in the MHD shock than in the HD. However this is

too remote from the core to account for its confinement late on. Magnetic effects

are sub-dominant but gradually become more significant at the blastwave, primarily
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the magnetic pressure gradients, where the outward magnetic pressure gradient is

an order of magnitude smaller than the thermal gradient at t = 1 Myr, and 4 times

smaller at t = 2 Myr. Despite being subdominant, the magnetic pressure gradient

provides a 10% and 25% increase in force density at the shock by 1 Myr and 2 Myr,

respectively.

However, the negative pressure gradient in the wake of the shock appears to be

the most interesting. The negative force applies throughout the intershock region,

between the primary blast wave and the core. It effectively causes mass to be peeled

away from the remnant shell and driven inwards along with some of the magnetic

field. This broadens the mass shell profile I see from Figure 5.1 and the magnetic field

profile from Figure 5.6 (top panels) and provides the substantive forces confining the

remnant core compared to HD. For most of the 40 < R⊥ < 70 pc region by 2 Myr

the magnetic pressure gradient dominates the thermal pressure gradient. Magnetic

tension is subdominant perpendicular to the magnetic field.

5.6 Thermodynamics of MHD remnants

The effect of confinement of the remnant core by the inward magnetic pressure gra-

dient is to reduce adiabatic cooling compared to HD. The system is non-adiabatic,

so how does the redistribution of mass in the strong MHD case affect its thermal

properties? Snapshots of the net heating, ∆H = T−1(Γ − ρΛ), are presented in

Figure 5.8 for the HD model, Panel (a), and strong MHD model, (b). In the HD

and weak MHD models, cooling dominates everywhere in the remnant, except for

a thin layer just behind the cooling shell. In the strong MHD model cooling dom-

inates in the confined remnant inner core and shell, but in the inter-shock region

perpendicular to the field UV-heating exceeds radiative losses. In Figure 5.1 (a) this

applies for 35 . R⊥ . 60 pc.

In Figure 5.9 I show the probability density functions (PDFs) of temperature, (a),

and gas density, (b). Each panel features the respective PDFs for models with

B0 = 0, 0.5 and 5µG at t = 2 Myr. All models have identical initial temperature

and gas density distributions. The peaks at T ' 2500 K and ρ ' 1.67 g cm−3 identify

the ambient ISM. For the HD model and model with B0 = 0.5µG, the differences

in the PDFs are otherwise also negligible. The other local maxima identify the cold
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Figure 5.8: Cross sections at 2 Myr for the HD model, (a), and the model with B0 = 5µG,
(b), of the net heating, ∆H = T−1(Γ − ρΛ).
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Figure 5.9: Mass-weighted probability density functions (PDFs) of gas temperature (left
column) and gas density (right column) at 400 kyr (top row), 1.0 Myr (middle row), and
2.0 Myr (bottom row), for HD (dashed blue) and MHD models with B0 = 0.5µG (solid
cyan) and B0 = 5.0µG (dash-dotted magenta) models.

remnant shell (n > 10 cm−3,T < 100 K), the hot diffuse core (n < 0.01 cm−3,T >

105 K), and the accumulation of thermally stable warm gas (n ' 0.1 cm−3,T '
2× 103 K).

However, with the strong magnetic field the peak temperatures representing the

remnant shell and the remnant cores are hotter and more dense. Its magnetically

confined hot gas has a smaller fractional volume. Hot gas in all models cools slowly,

due to the low density, but the strong MHD hot gas cools due to radiative losses

relatively faster due to its slightly higher density. It nevertheless remains hotter, be-
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cause the adiabatic cooling is reduced. The strong MHD model has almost identical

temperature distribution in the range 104 < T < 105 K, although more dense.

Perhaps the strongest effect of a strong magnetic field is on the dense, cold gas. For

the HD and weak magnetic field models, there is a clear probability density peak at

T ∼ 150 K and n ∼ 10 cm−3. In the presence of a strong field, there is considerably

less probability density for T < 2×103 K, the temperature distribution truncates at

T ∼ 200 K, and there is much less high density gas. This indicates that the presence

of the magnetic field inhibits the formation of cold, dense regions of gas.

Magnetic confinement of hot gas in the remnant is indicated strongly by the increas-

ing mean hot gas density plotted in Figure 5.10 (a) and decreasing fractional volume

from Figure 5.10 (b) of hot gas in strongly magnetized remnants. This effect has

also been found in larger-scale simulations of the ISM (Evirgen et al., 2017, 2019).

The residual total mass of hot gas deposited into the ISM may be 20–40% greater

in the strong MHD remnant as depicted in Figure 5.10 (c).

In Figure 5.11 I show radial profiles perpendicular to the magnetic field at 1 Myr (a)

and 2 Myr (b), for temperature (top) and thermal pressure (bottom) for the HD

and strong MHD remnants. This illustrates the higher temperature in the MHD

core, but smaller fractional volume.

5.7 Residual SN energy injection

The increased mass of hot gas and reduced effect of non-adiabatic cooling within an

MHD remnant invites the question how are the energetics of the ISM affected by

a strong magnetic field? The time evolution of residual SN total energy and each

contribution to the energy are plotted in Figure 5.12.

In Panel (a), I introduce an energy retention term

∆Etot(t) = Eth(t) + Ekin(t) +∆Emag(t),

where ∆Emag(t) = Emag(t) − Emag(t = 0). This term examines energy retained by

the system without the initial energy of the large-scale magnetic field, which varies

by two orders of magnitude from the weakest to strongest large-scale field used here.
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Figure 5.10: Time evolution of (a)mean density of hot gas (b) fractional volume of hot
gas (c)mass of hot gas for the HD (solid blue) and MHD models with B0 = 0.5µG. Hot
gas is defined as T > 2 · 104 K (Kim & Ostriker, 2015).
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Figure 5.11: Radial profiles at (a) 1 Myr and (b) 2 Myr perpendicular to the magnetic
field of gas temperature (top) and thermal pressure (bottom).

Panel (a) shows that the B0 = 5µG model retains up to 10% more energy than the

HD case by 2 Myr. The two profiles diverge within a few hundred kyr. The weak

magnetic field models have identical energy retention as the HD model.

From Panel (b) I see that the presence of strong large-scale magnetic fields retains

marginally more residual thermal energy, while Panel (c) shows that kinetic energy

in the MHD remnants is lost marginally more quickly.

For all MHD models there is a modest amplification of the magnetic field though

compression and tangling (Panel (d)). So the net contributions of thermal and

magnetic energy mean that the MHD shocks in fact induce a greater total residual

energy into the ISM than HD alone.

5.8 Critical magnetic field strength

Any qualitative differences between the HD and MHD remnants must arise from

effects due to the Lorentz force. Inspection of the evolution of magnetic tension

reveals this to be negligible, relative to the magnetic and thermal pressure gradients.

The maximal tension forces apply in the remnant shell nearest the polar axis of the
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Figure 5.12: (a)Energy retention by HD and MHD (5µG remnants, where ∆Etot(t) =
Etot(t) − Etot(t = 0). Etot(t = 0) is the total energy in the ambient gas prior to the SN
explosion, (b) thermal energy (c) kinetic energy and (d)magnetic energy profiles.

remnant.

Therefore, modification to momentum injection relies on the interacting radial pres-

sure gradients, particularly where ∂⊥ (p) ' ∂⊥ (|B|2/2µ0). In the blast wave the

magnetic gradient will grow due to compression. The stronger the ambient field,

the earlier the magnetic gradient in the shell and in its wake will acquire a critical

strength sufficient to significantly modify the remnant evolution. The MHD shell

begins to shed mass into its wake, compared to HD as early as 200 kyr for B0 = 5µG,

320 kyr for 3µG and 920 kyr for 1µG. The leading shock outstrips the HD model at

440, 560 and 1560 kyr, respectively. From both panels in Figure 5.7 throughout the

inter-shock region I have

∂⊥ (|B|2/2µ0) |−
∂⊥ (p) |+

& 1,

but when the MHD shock profiles start to diverge from HD this ratio locally is

still much less than 1. A reasonable criteria for identifying the critical large-scale

magnetic field strength may be to assume plasma-β <1. Hence, Bcrit ∼
√

2µ0p,
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where p = kBnT ; kB is the Boltzmann constant, and T denotes temperature.

For these simulations the ambient ISM has n = 1 cm−3 and T ' 2500 K. Thus, the

gas is in thermal equilibrium with radiative cooling balancing UV heating. I obtain

Bcrit ∼ 3µG, which is in agreement with Hanayama & Tomisaka (2006), who also

finds that significant change to the nature of the remnant is seen for B0 ≥ 3µG.

However, the effect of cooling and heating processes are highly nonlinear functions of

density, so I shall explore how to explain critical field strength with various ambient

ISM densities and magnetic field configurations in future work.

5.9 Summary

The merger of the remnant shell with the surrounding gas depends on a number

of factors, including but not limited to, ambient sound speed, homogeneity (or

inhomogeneity) of the ambient gas density structures, and interaction with other

shocks in a turbulent, highly compressible and typically inhomogeneous interstellar

medium. However, the emergence of differences in energy retention, directly linked

to the presence of large-scale magnetic fields, suggests that the efficiency with which

the surrounding gas extracts energy from SN remnants is modified by magnetic fields

and it needs to be studied with the inclusion of aforementioned physical effects.

A plane-parallel, micro-gauss strength magnetic field changes the aspect ratio of SN

remnants. The shockwave through the ambient ISM propagates faster perpendicular

to the magnetic field. Figure 15 of Caunt & Korpi (2001) show a similar MHD

remnant expanding faster perpendicular to the plane-parallel field. This is also

identified by Ferrière et al. (1991) in the context of a superbubble blast wave. They

also report that the MHD blast is faster in the parallel direction than for HD.

Conversely, the hot diffuse remnant core is magnetically confined into a prolate

spheroid with pole aligned to the field. Hanayama & Tomisaka (2006); Kim &

Ostriker (2015) also find that expansion of the core is inhibited perpendicular to a

plane-parallel magnetic field.

Both effects are caused by the magnetic pressure gradients perpendicular to the

magnetic field. In the adiabatic and pressure driven phases of the blast wave expan-

sion, while magnetic forces are weak relative to the explosive forces, magnetic field

is expelled from the core and compressed into the shell. Some energy from the ther-
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mally driven outward shock is stored in the highly compressed field at the remnant

shell, to be released through the magnetic pressure gradient in the late MHD shock.

Compression also generates an increasingly negative magnetic pressure gradient just

behind the shell, ultimately injecting momentum inwards.

In similar simulations, which focus on the early (up to 400 kyr) stage of SN evolution,

Kim & Ostriker (2015) conclude that momentum injection by an SN remnant is

unaffected by the presence of a plane-parallel magnetic field. They suggest magnetic

fields will not affect momentum injection, because they do not become comparable

to thermal effects before the remnant enters the momentum-conserving phase. I

also find that large-scale magnetic fields (up to 5µG strength) have a marginal

quantitative effect on momentum injection.

The strongest effect of a large-scale magnetic field is the confinement of the hot core

and a more dense inter-shock region. UV-heating exceeds radiative losses in this

region and, combined with the magnetic broadening of the shock front, inhibits the

formation of cold gas, compared to HD.

There is a reduced fractional volume of hot gas, an effect also noted by Evirgen

et al. (2019). Even though I obtain this result in an idealized numerical setup,

Evirgen et al. (2019) find that hot gas becomes more dense in numerical simulations

of the local Galaxy, as the magnetic field reaches Brms ∼ 3µG strength with a strong

large-scale component. These numerical simulations feature highly inhomogeneous

gas density, compressible turbulence and a multi-phase ISM structure. Thus, it is

plausible that remnant-scale simulations may relate to magnetic effects found in

more sophisticated numerical models.

In its early stages the presence of a magnetic field has negligible effect on SN remnant

evolution, and this is consistent with the results of Kim & Ostriker (2015). However,

as the magnetic shell forms increasingly strong local pressure gradients the dynam-

ics alter markedly. For sufficiently weak magnetic fields this may evolve so late

that the blast wave has already merged with the ISM and it remains dynamically

insignificant. For stronger fields the magnetic retrograde shock and late MHD shock

occur sufficiently early to alter remnant momentum injection and structure. For gas

density n = 1 cm−3, I find the critical field strength to correspond to plasma-β = 1

in the ambient ISM. The magnetic confinement and late MHD shock occur earlier

and are stronger as B0 increases within the range 0.5 ≤ B0 ≤ 5µG considered. With
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respect to structure, this is consistent with Hanayama & Tomisaka (2006), who find

notiecable magnetic confinement of the remnant interior for B0 ≥ 3µG, and Kim &

Ostriker (2015) for B0 = 7.2µG.

Magnetic fields in the ISM are not uniform as applied in these models and planned

studies shall include the effects of turbulent structure of the magnetic field and a

range of ambient ISM density. Nevertheless, it is widely observed that spiral galaxies

have a large-scale, coherently structured magnetic field of strength in the range 1–

30µG (Beck, 2001; Tabatabaei, F. S. et al., 2008; Fletcher et al., 2011a). Thus, it

is plausible that SN remnants evolve subject to the magnetic effects described here,

which could have significant implications on pressure support, mass loading of the

galactic halo, and generally the multiphase and vertical structure of the ISM.
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Chapter 6

Summary

6.1 Conclusions

The main aim of this Thesis is exploring the possible effects of magnetic fields on

the gas dynamics within galaxies. I explore these effects by analysis of pre-existing

ISM simulations, which model a region of a spiral galaxy such as the Milky Way

or M51. The simulation presented here, and similarly by Gressel et al. (2008);

Gressel et al. (2013); Bendre et al. (2015), differ from the majority of other such

simulations in that a weak seed magnetic field is evolved, via dynamo action, and

consistently with the gas dynamics in the simulated ISM, while other simulations

use a strong initial magnetic field with a priori assumptions about the strength and

spatial configuration of the fully-evolved magnetic field1. In general, we find that

simulations with a strong initial magnetic field leads to no qualitative change to gas

dynamics on scales larger than dense molecular clouds (Mac Low et al., 2005a; de

Avillez & Breitschwerdt, 2005; Hill et al., 2012; Girichidis et al., 2016). Simulations

with dynamo-evolved magnetic fields find a number of qualitative changes to the

simulated ISM which arise from the self-consistent evolution of the model.

Here I summarise some of the main results arising from the work presented in this

Thesis. In Chapter 3, I find that the large-scale magnetic field avoids hot gas, par-

ticularly larger hot gas structures spanning hundreds of parsec, and prefer to reside

in the warm gas. The fractional volume of warm gas increases as the magnetic field

1Fully-evolved refers to the magnetic field in non-linear (or saturated) phase of dynamo action.
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becomes dynamically significant, which indicates that there may be magnetic feed-

back on gas dynamics, leading to a greater fractional volume of the phase preferred

by the large-scale magnetic field. Moreover, I find that the magnetic field strength

does not have a monotonic vertical distribution, with the maximum strength grad-

ually moving away from the midplane to |z| ∼ 300 pc as the magnetic field becomes

dynamically significant. This is particularly intriguing, since the prevalent assump-

tion has been that the maxima of magnetic field strength is at the midplane2 (Cox,

2005). This assumption has previously indicated that the magnetic pressure gradi-

ent is expected to be an additional pressure support throughout the galactic disc,

whereas the non-monotonic vertical distribution suggests that:

• The dynamo-active region is likely to close to the midplane but is transport

away from the midplane by a process (or processes) which need to be investi-

gated further.

• Magnetic pressure gradient may behave differently than previous expectations.

In Chapter 4, I explocre the dynamical role played by the magnetic field in the

simulated ISM. The Early3 stage of the model features large hot gas structures

with span hundreds of parsec both horizontally and vertically, with the vertical

distribution of gas density being disrupted noticeably. In the Late stage4, hot gas

structures are much smaller due to magnetic confinement of hot gas, and the hot

gas is typically more dense than in the Early stage.

In addition, the gas density become more homogenous within the disc, with smaller

variation in gas density within 300 pc of the midplane. The pre-dominant factor is

the non-monotonic vertical distribution of the magnetic field strength. Below the

maxima (at 300 pc), magnetic pressure gradient acts against outflow, which reduces

mean vertical velocity and alters the gas density profile. Conversely, magnetic pres-

sure gradient changes sign and provides pressure support alongside thermal pressure

gradient. Even though magnetic pressure is orders of magnitude smaller than other

pressure terms in the Early stage, it is in equipartition (above 300 pc) with thermal

pressure in the Late stage.

The results presented in these two chapters lead to three immediate questions:

2This is close to the midplane and within the galactic disk. It is expected that magnetic field
strength increasesfor |z| > 1 kpc.

3This corresponds to the kinematic phase of the dynamo.
4This refers to the non-linear phase of the dynamo.
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1. What is the transport process by which magnetic field is transported from the

midplane?

2. What is the relative importance of differential rotation rate and shear rate?

3. The nature of hot gas structures change both qualitatively (or even visibly)

and quantitatively, even at the level of individual structures. Could this be,

perhaps partially, due to a modification of SN remnants in the presence of a

dynamically significant magnetic field?

I will briefly discuss Questions 1 and 2 in Section 6.2. Unfortunately, I have not been

able to address these questions within the time-scale of my doctoral research, owing

to the computational expense of the numerical simulations necessary. However, I

plan to continue working on these simulations.

In Chapters 5 , I begin to address Question 35. I explore the evolution of individual

SN remnants in both HD and MHD simulations using the Pencil code, with an

idealised uniform background gas density.

I run the SN simulations with a plane-parallel uniform magnetic field with varying

strengths. In the presence of such a large-scale magnetic field (for B0 ≥ 3µG), I find

a number of changes in the evolution and properties of the SN remnant:

1. The SN shock propagates faster perpendicular to the magnetic field, while it

is in agreement with the HD (and Cioffi et al. (1988)) model in the paralle

direction. In addition, the core of the remnant is magnetically confined per-

pendicular to the magnetic field. These effects are caused or at least initiated

by magnetic pressure gradient at the SN shock.

2. While magnetic fields affect momentum injection marginally in quantitative

terms (for field strengths up to 5µG), they alter the way in which momentum is

injected since inward momentum injection and the subsequent inward shedding

of mass from the SN shock are only found in the MHD remnants.

3. Confinement of the remnant core is due to inward momentum injection from

the SN shock, which is not seen in the HD model or the weak magnetic field

models. This confinement of the core results in reduced adiabatic cooling of the

hot gas in the core, as well as an increase in the density of the gas. Moreover,

5I say ‘begin’ quite tentatively as this work has lead to a number of other questions and ideas
to be explored. I will outline these in Section 6.2.
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this leads to a significant change in the fractional volume of hot gas. These

results are also found in simulations of the ISM reported by Evirgen et al.

(2019).

4. The presence of a large-scale magnetic field also inhibits the formation of dense

regions of cold gas.

5. For field strengths above 3µG, more energy is retained by the system by up to

10%. This comprises additional thermal and magnetic energy. In the presence

of a strong magnetic field, kinetic energy retention is reduced marginally.

6.2 Future work

6.2.1 ISM simulations

Dr Frederick Gent and I are working on running new ISM simulations to address

a number of questions which originate from Gent (2012) and the results presented

here in Chapters 3 and 4.

Differential rotation and shear rate

I would like to run an identical set up to that presented by Gent (2012) and vary

the differential rotation and shear rates separately, focusing particularly on saving

snapshots of the data more frequently in the kinematic phase of the dynamo, as

well as the non-linear phase, in order to be able to analyse the turbulent transport

coefficients with more data.

An additional focus would be the effect of the aforementioned parameter changes

on the time-evolution and spatial configuration of the magnetic field, as well as the

vertical and multi-phase structure of the ISM. These simulations will require months

of intensive computation, if run in parallel, millions of hours of CPU time, and up

to 200 TB of storage space. For these reasons, I focused on questions which could

feasibly answered within the scope of my doctoral research.
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Taller simulation box

The current vertical extent of the simulation domain does not allow modelling of

the galactic halo. We plan to run new simulations which extend the vertical extent

up to |z| = 2.5 kpc, potentially using a non-uniform computational grid vertically.

Cosmic Rays

We are also working on including CRs in our ISM simulations, which provide an

important pressure term in galaxies, and are closely aligned with galactic magnetic

fields.

6.2.2 SN simulations

I feel that these simulations have only scratched the surface, so to speak, and I have

a number of ideas for subsequent simulations.

Inhomogeneous background gas density

Kim & Ostriker (2015) find that an inhomogeneous background density does not

have a noticeable effect on momentum injection by an individual SN remnant.

However, I would like to perform a similar experiment with an inhomogeneous back-

ground density, even if only as a quick check.

Interacting shocks

Shocks, commonly created by SN explosions, are ubiquitous in the ISM, and they in-

teract quite readily. I am very interested in applying the ideas and analysis explored

in Chapters 5 and 6 to simulations of interacting SN shocks.

Vertical stratification

Another aspect which is not captured by the current simulations is that there is no

vertical stratification in gas density. I plan to run new SN simulations in a stratified,
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inhomogeneous medium.
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Appendix A

Effects of random magnetic fields

on supernova explosions

In this Section, I use an identical numerical set up as presented in Chapter 5, and

include a small-scale, random magnetic field component. I have included these

results as an appendix, rather than a main chapter, as these are very preliminary

results. I present the results, as I think they are interesting. However, there remain

a number of aspects which need to be analysed and understood further.

The magnetic field is represented by

B = B0 + b0,

where B0 = (0, B0, 0) and b0 is a Gaussian random field. I fix Brms = 5µG for

all MHD models presented here, for direct comparability of results. The following

models are considered:

• HD model - as a reference

• Model B5 - Large-scale field only, B0 = 5µG - for comparison with effects of

a purely large-scale magnetic field

• Model b5 -Random field only, b0 = 5µG - to assess the effects of a purely

random magnetic field

• Model B2b1 - B0 = 4.47µG, b0 = 2.23µG - Mean to random field in ratio 1 : 2
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• Model B1b2 - B0 = 2.23µG, b0 = 4.47µG - Mean to random field in ratio 2 : 1

The purely large-scale and purely random field simulations are included to isolate the

effects on SN remnants. The latter simulation, where B0/b0 = 1/2 is of particular

interest, since we expect the random field strength to be dominant in a spiral disk.

A.1 SN profiles

A.1.1 Remnant radius

Figure A.1 shows the time profiles of SN remnant radius perpendicular, R⊥, and

parallel, R‖, to the large-scale magnetic field. The models presented in the figure

are the HD model, and MHD models.

Models which have a large-scale component have a faster shock perpendicular to the

large-scale field. The large-scale component of B2b1 is very close to that of B5, and

subsequently their R⊥ profiles are very similar. However, in both B2b1 and B1b2

the perpendicular shock is slower than B5 despite being faster than the HD shock.

In the parallel direction, B5, B2b1 and B1b2 have the same R‖ profile as the HD

model. Interestingly, the perpendicular and parallel profiles are identical for the b5

model, which are identical to the HD profile up until 1 Myr. After this time, both

R⊥ and R‖ diverge from the HD profile, with the shock propagating more slowly

through the surrounding gas.

This indicates that presence of a random, small-scale magnetic field slows the shock

down, and that the local ratio of large to small scale field strength could be another

important factor in deciding the shape of the remnant.

A.1.2 Radial profiles

Figure A.2 shows the radial profiles of gas density and temperature. The HD rem-

nant and the purely random magnetic field remnant have almost identical profiles.

Models featuring a large-scale component show the changes to remnant profile dis-

cussed in Chapter 5. As the large-scale to random field strength ratio increases, the
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Figure A.1: Time profiles of SN remnant radius (a) perpendicular, R⊥, and (b)parallel,
R‖, to the large-scale magnetic field.

differences from the HD remnant profile increase. However, the large-scale compo-

nent does not need to be dominant. The model in which the random component

is twice as strong as the large-scale component features a changed SN aspect ratio,

higher temperatures in the core and an enhanced gas density profile behind the SN

shock.
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Figure A.2: Radial profiles of gas density (top row) and temperature (bottom row), per-
pendicular (left column) and parallel (right column) to the large-scale magnetic field, 2 Myr
into remnant evolution.

A.2 Energy injection into the surrounding gas

Another aspect discussed in Chapter 5 is the energy injection by the supernova

remnant into the surrounding gas. For a purely large-scale magnetic field, I find

that thermal energy retention is marginally more efficient after 500 kyr into the

evolution of the remnant.

Figure A.3(a) shows the energy retention (after excluding initial magnetic energy).

While the overall energy decays as the SNr evolves in HD and B5 models, the b5 and

B1b2 models show an increasing trend very early in the evolution of the remnant,

approximately up to 30 kyr. The B2b1 model has a slightly higher energy retention

than the HD and B5 model consistently until 1 Myr. All models which include

a random magnetic field begin to lose energy rapidly close to 1 Myr. This can be

explained by Panel (a) which shows ∆Emag(t) = Emag(t)−Emag(t = 0). It is possible

that the SN shockwave destroys local random magnetic field, and converts its energy

into thermal energy, while pre-existing large-scale magnetic field is amplified by the

shock. Magnetic energy, Emag, is defined as
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Figure A.3: Time profiles of (a) thermal (b) kinetic (a)magnetic energy.

Emag =

∫

V

|B|2
2µ0

dV.

For the initial set up, this can be expressed as

Emag = NxNyNz
B2

2µ0

(∆x)3,

where B is the initial magnetic field strength; Nx, Ny and Nz are the number of

grid points in the x, y, and z directions, respectively; ∆x is the spatial resolution

of the model. If we have two initial magnetic field strengths, B2 and B1 such

that k = B2/B1, then we have E2 = k2E1. The purely large-scale magnetic field

has a large-scale component strength of 5µG, which corresponds to 6 × 1050 erg

initial magnetic energy within the simulation volume. The other MHD models with

a large-scale component have large-scale strengths of 2.23µG and 4.47µG, which

give k = 0.446 and k = 0.894, respectively. These values indicate that these two

models will have a large-scale component 20% and 80% of the purely large-scale

field, corresponding to 1.2× 1050 erg and 4.8× 1050 erg. Models b5, B2b1 and B1b2

are shown to have lost almost all of the energy stored in the random component
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Figure A.4: Time profile of Ohmic heating for MHD SN remnant models.

of their field. However, models which feature a mixture of large-scale and random

magnetic fields reach a steady magnetic field strength after an initial decay stage,

corresponding to the energy stored in the large-scale component of the magnetic

field.

Panel (c) shows that kinetic energy is very similar for all models in the early stage

of SNr evolution, whereas Panel (b) shows that there is a significantly higher energy

thermal energy retention for the models featuring random magnetic fields, in the

early stage of remnant evolution in particular. Given that this effect is not seen in

the HD model, a possible explanation for the initial increase in thermal energy, and

ensuing increased thermal energy retention, in the presence of a random magnetic

field is Ohmic heating, which features in the heat equation (Eq. (2.3)) as ηµ0j
2. I

use the quantity, HOhm, which is Ohmic integrated over the volume of the simulation

domain:

Hohm =

∫

V

ηµ0j
2dV.

Figure A.4 shows strong Ohmic heating in the models featuring random magnetic

fields within the first 500 kyr of remnant evolution. All MHD models which feature a

large-scale magnetic component converge to the same Ohmic heating profile in their

late evolution, which indicates that the initial Ohmic heating phase can be attributed

to presence of random magnetic field. In the presence of a purely random magnetic
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field, Ohmic heating continues to decay after 500 kyr, which is the time at which

other MHD models converge to the same time profile for Ohmic heating.

This suggests that local random magnetic field could be destroyed, with its magnetic

energy being converted into thermal energy via Ohmic heating. Large-scale fields

also contribute Ohmic heating but to a smaller extent.

A.3 Momentum injection

Figure A.5 shows the total and outward momentum for HD and MHD models. Both

total and outward momentum are consistently higher for models featuring a ran-

dom magnetic field component than the model with a purely large-scale magnetic

field. In the early stage of remnant evolution, models with a random magnetic field

component inject more momentum than HD remnants in total and in the outward

direction.

n f In Model B2b1, momentum injection is only marginally greater than the HD

and B5 models, with all three models reaching approximately 4 × 105 M� km s−1.

The b5 and B1b2 models inject 4.2×105 M� km s−1 momentum, 5% more than the

HD model. Moreover, the presence of a random magnetic field enhances momentum

injection within 100 kyr of the SN explosion. Models B1b2 and B2b1, despite having

the same total magnetic energy, have a different momentum injection profile. This

suggests that the ratio of large-scale to random magnetic field is also important to

determining the effect of magnetic fields on momentum injection by a remnant.

Far from magnetic fields not playing a significant role in momentum injection by

remnants, it seems that they might play both a significant and subtle part. While

the heat equation includes magnetic effects via Ohmic heating, the Lorentz force is

likely to be the factor which modifies momentum injection by the SN remnant.

Lorentz force

The Lorentz force, ρ−1j×B, is the only term in the momentum equation (Eq. (2.2))

which relates directly to the magnetic field. It is very possible that thermal change

due to the magnetic field could influence momentum injection indirectly. However,

these are highly nonlinear terms which require further, dedicated work beyond the
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Figure A.5: Time profiles of (a) total and (b) outward momentum injection by the SN
remnant models given in the figure legend.

scope of the current work. Perhaps more importantly, it is better to start by assessing

the extent of a direct magnetic effect before focusing on other aspects.

Figure A.6 shows the magnitude of the Lorentz force, ρ−1 |j ×B|, throughout the

evolution of the models. Lorentz force is up to two orders of magnitude higher in

models featuring a random magnetic field within the first 400 kyr of SNr evolution.

Interestingly, Model B1b2 is largest within this period. After this period, LOrentz

force decays rapidly for Model b5, by up to three orders of magnitude. Model B2b1,

where the large-scale magnetic field is dominant over the random component, decays
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Figure A.6: Time evolution of the magnitude of the Lorentz force.

gradually and reaches the same level as B5. Model B1b2 also features a decay phase

similar to Model b5 but to a lesser extent. This is very likely due to the decay of

random magnetic field energy in models, particularly where the random component

is dominant.

A.4 Thermodynamics of remnants

Figure A.7 shows the PDFs of gas temperature and density at different times in the

evolution of the remnants. The most striking feature at 400 kyr is that the HD and

B5 model have an identical peak at T ∼ 2100 K, whereas this peak is at T ∼ 6000 K

for Model b5. Model B1b2 has a very similar peak to b5, albeit at a marginally

lower temperature, whereas the peak for Model B2b1 is located between the HD

(and B5) and the b5 peak. Given that the B5 model, which only features a large-

scale magnetic field, is not affected by this initial shift in warm gas temperature,

this shift in peak is very likely due to Ohmic heating. Otherwise, the temperature

and density distributions are very similar at this stage of the models. The only other

noteworthy feature is that the B5 model inhibits the formation of dense regions of

gas, as discussed in the previous chapter.

By 1 Myr, the gas at the T ∼ 6000 K peak (for models with random magnetic

components) cools and has shifted to T ∼ 3000 K, probably since Ohmic heating
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Figure A.7: PDFs of gas temperature (left column) and gas density (right column) at
400 kyr (top row), 1 Myr (middle row), and 2 Myr (bottom row).

contributes very little after 500 kyr for all models.

The HD and b5 (purely random magnetic field) models have very similar (if not

identical) distributions for cold and hot gas. The random magnetic field does not

inhibit the formation of cold, dense gas, It also does not keep the hot gas at higher

temperatures later on in the evolution of the remnant, unlike the large-scale magnetic

field.

Figure A.8(a) shows that hot gas density for the HD and b5 models are very sim-

ilar, with hot gas in Model b5 becoming marginally more dense after 1 Myr. The
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Figure A.8: Time profile of (a)Median density (b) fractional volume, and cmass of hot
gas.
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enhancement of hot gas density is clearly due to the presence of the large-scale field.

A similar effect is seen for the fractional volume of hot gas and mass of hot gas,

indicating that the majority of effects on hot gas are due to the large-scale field.

The exception to this is that Ohmic heating is much stronger in the early stage of

SN evolution for stronger random magnetic field components.

A.5 Summary

While large-scale magnetic effects become noticeable after a few hundred kyr, the

effects of random fields are seen from an earlier stage of SN remnant evolution. I

find that:

1. There is an initial increase in thermal energy where random fields are present,

due to enhanced Ohmic heating, which is not found for large-scale magnetic

fields.

2. Momentum injection is enhanced by the presence of random fields by 5%.

3. A purely random magnetic field is not found to affect the aspect ratio of the

remnant, the properties of hot gas (any more than marginally). It also does

not inhibit the formation of cold dense gas. These effects can be attributed to

the presence of a large-scale magnetic field.
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Comparing averaging methods

I seek to provide an example to demonstrate the important differences between the

mean and fluctuating fields as obtained from horizontal averaging and Gaussian

smoothing. Gent et al. (2013) show that both the large-scale and random magnetic

fields obtained with different averaging procedures grow exponentially at different

rates at the kinematic stage of the dynamo action. This difference is important as the

growth rate is one of the key parameters used to compare theory with simulations.

Horizontal (or volume) averaging interprets any variation of a physical variable in

a horizontal plane (or the whole volume) as a fluctuation, and thus underestimates

the magnitude of the mean part. Since the relative contributions of the mean and

fluctuating parts change with time, this affects the rate of change inferred. In

this section, we discuss differences between the spatial distributions of the mean

and fluctuating outflow velocities obtained from horizontal averaging (denoted Uh,z

and uh,z for the mean velocity and the fluctuations, respectively) and Gaussian

smoothing (with the notation U`,z and u`,z).

The x–profiles of the total, mean and fluctuating vertical velocities at fixed y and

z are shown in Fig. B.1. We note that the velocity is small in magnitude at x < 0

for this snapshot. However, there is a region of larger positive vertical velocity at

x > 0. Under horizontal averaging, the mean vertical gas velocity is Uh,z ≈ 20 km s−1

throughout the plane (Fig. B.1b), whereas the Gaussian smoothing reveals a region

of about 200 pc in size where systematic outflow speed reaches 40–80 km s−1. Even

more significantly, as shown in Fig. B.1a, horizontal averaging implies local inflow in

a broad region at −0.5 . x . 0.1 kpc, whereas such local inflows are much weaker
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Figure B.1: The vertical component of gas velocity as a function of x (galactocentric
radius) at fixed y and z, obtained under horizontal averaging and Gaussian smoothing.
(a): The total vertical gas velocity uz (blue, solid) and the random vertical velocity
inferred using horizontal averaging uh,z (green, dash-dotted) and Gaussian smoothing u`,z
(purple, dashed). (b): the total vertical gas velocity (blue, solid) and the mean vertical
velocity from horizontal averaging Uh,z (green, dash-dotted) and Gaussian smoothing U`,z
(purple, dashed. Panels (c) and (d) present the same variables in the same format but for
another time in the system evolution.

and occupy a much smaller region under Gaussian smoothing. Such differences

can affect strongly the interpretation of the outflow dynamics, and we believe that

Gaussian smoothing provides a more appealing physical picture.

Similar differences can be seen in Figs B.1c,d that represents another snapshot in

the system evolution. Here the mean vertical velocity inferred using horizontal av-

eraging is about −3 km s−1 whereas Gaussian smoothing implies U`,z weakly varying

around zero. The fluctuation parts have similar spatial distributions but different

magnitudes.

Figure B.2 shows the vertical distribution of root-mean-square random velocity, as

calculated using Gaussian smoothing and horizontal averaging, in Panels (a) and (b),

respectively. In the kinematic (Early) stage, featuring stronger systematic outflows,

the inferred random velocity is consistently larger under horizontal averaging. In
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Figure B.2: Vertical profile of rms random velocity calculated at each altitude z, using

(a) Gaussian smoothing, 〈u2` 〉
1/2
xy and (b) horizontal averaging, 〈u2h〉

1/2
xy , for the Early (solid,

blue) and Late (dashed, magenta) stages of evolution, when magnetic field is negligible
and dynamically significant, respectively.
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Figure B.3: Time evoution of the volume averages of rms (a) large-scale velocity, Vrms, (b)
turbulent velocity, urms, (c) large-scale magnetic field strength, Brms, and (d) random
magnetic field strength, brms, calculated using both Gaussian smoothing (magenta dashed)
and horizontal averaging (blue solid).

the non-linear stage of magnetic field evolution, the vertical distributions of the

random velocity are similar for both averaging methods. The similarity between

the vertical distributions in the non-linear stage can be explained by the reduction

in the strength of the perturbations perpendicular to the horizontal plane in the

non-linear stage (see Evirgen et al., 2019).

Figure B.3 shows the evolution of rms values for the mean and random magnetic

field and velocity field for the ISM simulations. These are called separately using

Gaussian smoothing and horizontal averaging. Mean velocity obtained using Gaus-

sian smoothing is consistently higher than that obtained using horizontal averaging,

whereas the opposite is true for the turbulent velocity.

For the mean magnetic field, Gaussian smoothing produces a larger rms value until

1.5 Gyr. However, both averaging methods converge to the same value. On the other

hand, horizontal averaging estimates the random magnetic field to be consistently

higher than that obtained using Gaussian smoothing. This convergence to the same

value for the mean-field is because the total magnetic field becomes more strongly
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aligned with the azimuthal direction, making the magnetic field more strongly paral-

lel to the midplane. Since horizontal averaging makes the inherent assumption that

a mean field is uniform within the averaging plane, it is plausible that it converges

the profile obtained using Gaussian smoothing, which captures large-scale structure

more reliably, and without imposing a strong spatial assumption on the mean-field.

This also explains why the random magnetic field has a higher rms value when

calculated using horizontal averaging; while the total magnetic field is less planar,

horizontal averaging treats systematic magnetic field which is not in the plane as

a deviation from the mean-field, or random field. Subsequently, the rms value is

inflated in comparison with Gaussian smoothing.
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The momentum equation

The z-component of the Navier-Stokes equation, neglecting dissipation, and the

continuity equation are given by

∂tUz = − (U · ∇)Uz −
1

ρ
∂zpth +

1

4πρ
[j ×B]z + gz (C.1)

∂tρ = −∇ · (ρU) , (C.2)

where vertical gravitational acceleration, gz, due to stellar and dark halo matter

follows Kuijken & Gilmore (1989), and

1

4π
j ×B =

1

4π
(B · ∇)B −∇

( |B|2
8π

)
, (C.3)

Equations C.1 and C.2 can be combined into

∂t (ρUz) = − [ρ (U · ∇)Uz + Uz∇ · (ρU)]− ∂zpth

+
1

4π
[j ×B]z + ρgz.

We then use the identity

∇ · (ρUzU) = ρ (U · ∇)Uz + Uz∇ · (ρU) ,

to obtain

∂t (ρUz) = −∇ · (ρUzU)− ∂zpth +
1

4π
[j ×B]z + ρgz.
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Now, we substitute the z-component of Equation C.3 into this equation:

∂t (ρUz) =ρgz − ∂z
(
pth +

|B|2
8π

)

+
1

4π
(B · ∇)Bz −∇ · (ρUzU) (C.4)

This equation is horizontally averaged to give

∂t (〈ρUz〉) = 〈ρgz〉 − ∂z
(
〈pth〉+

〈 |B|2
8π

〉)

+

〈
1

4π
(B · ∇)Bz

〉
− 〈∇ · (ρUzU)〉 .

The following term is expanded, which gives

〈∇ · (ρUzU)〉 = 〈∂x (ρUzUx)〉+ 〈∂y (ρUzUy)〉
+
〈
∂z
(
ρU2

z

)〉
.

However, horizontal averages of x and y derivatives are zero due to periodic boundary

conditions in x and y. Thus, we have

〈∇ · (ρUzU)〉 = ∂z
(〈
ρU2

z

〉)
.

Substituting this term into Equation C.4 produces

∂t (〈ρUz〉) = 〈ρgz〉 − ∂z
(
〈pth〉+

〈 |B|2
8π

〉)

+

〈
1

4π
(B · ∇)Bz

〉
− ∂z

(〈
ρU2

z

〉)
. (C.5)
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Fitting a time profile for SNr radii

The time evolution of the parallel and perpendicular radii of the SN remnants can be

approximated well using a linear regression fit for log(R(t)/R0) = α log(t/t0)(+c),

where R0 is a fit parameter representing a characteristic SN radius, t0 is a charac-

teristic time length and c is a fit parameter indicating the intercept of the linear fit.

The latter is subsumed by the R0 parameter, and thus the profile can be represented

by

R(t) = R0t
α.

While linear regression is well-established, with many numerical robust implemen-

tations available, it is also possible to user a simpler approach. If we take the (t, R)

pair at two times: (t1, R1) and (t2, R2), such that R1 = R0t
α
1 and R2 = R0t

α
2 , we can

use

R2

R1

=

(
t2
t1

)α
,

to calculate

α =
log(R2/R1)

log(t2/t1)
.

The known values can then be substituted into either pair to obtain
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Figure D.1: The frequency density histogram for fitted alpha values using successive points
only (left panel), and using window length 1 (magenta), 2 (blue), 3 (green) and 10 (shaded
red) in the right panel.

R0 =
Ri

tαi
.

I prefer this method in this particular case, as it can be applied ‘locally’ for two

successive points in time, which renders the method more sensitive to subtle changes

in local rate. One issue that I have had with fitting a straight line to the ‘log-log’

equation presented at the beginning of this Appendix is that a single straight line

(albeit one which minimises the error) is fitted to a cluster of points. In Figure 5.3,

it is reasonable to use the assumption that a single linear fit to the log-log plot will

suffice for B0 < 3µG. However, particularly for B0 = 5µG, the log-log plot seems

subtly non-linear in the later stages for R⊥.

I use the R⊥(t) profile for B0 = 5µG as an example and calculate the parameters

using directly successive points (ti, Ri) and (ti+1, Ri+1). It is also possible to use

points further apart, for example (ti, Ri) and (ti+5, Ri+5). I call this example a

window of length five, since the point pair used to calculate the parameters are

separated by five data points in time. This has an effect analogous to using a

moving average (or kernel smoothing) on noisy data (or signals). Using directly

succesive points in time are susceptible to ‘local noise’ whereas using greater time

separation focuses on the trend in the data. In reference to the actual R⊥ profile,

the trend is immediately discernible to the human eye1 but the numerical method

is ‘fooled’ by small-scale noise in the trend at a much smaller scale. The resulting

histogram of fitted alpha values is provided in Figure D.1 shows the result of using

1and brain, which employ far more sophisticated image analysis than the author.
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a window of one alone in the left panel. The estimates of alpha have a wide spread

between 0.2 and 0.8, which is of little use. However, the right panel shows the result

with windows of different length, which are more tightly distributed around 0.4. The

values reported in Table 5.1 have all been calculated using this method. However,

I would like to state tentatively that this is an educated guess informed by a lot of

number-crunching. I believe that more precise values should come from arguments

based on the underlying physics. I plan to pursue this in future work.

Calculating SNr shock speed

Once the time profile for R(t) has been calculated, it is straightforward to calculate

the shock speed, vsh(t) ≡ Ṙ(t):

Ṙ(t) = αR0t
(α−1).

However, given the variability of the actual value of α at different times in the

evolution of the remnant, I use direct numerical differentiation of R(t) to calculate

vsh(t).
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Testing effects of physical

parameters on SN simulations

E.1 Effects of changing diffusivity

To verify that the significant qualitative effects I identify from the MHD blast waves

are attributable to the physics rather than the numerics, I examine the impact of

employing artificial diffusivities compared to the impact of a magnetic field on the

solutions. For numerical economy I use a set of 1D shock-tube tests. The numer-

ical solutions for adiabatic shocks with parameters relevant to SN blast waves are

compared to the system originally described by Sod (1978), and its exact analytical

solution derived by Hawley et al. (1984). I extend the analysis applied to the HD

solutions of Gent et al. (2019) to consider specifically whether MHD or numerical

effects account for the differences in the MHD solutions

Figure E.1 shows that for an adiabatic shock the HD numerical solution reliably pro-

duces the analytic solution. Even the MHD solution has only marginally enhanced

gas density in the shock. Hence, neither numerical parameters nor the presence of

the magnetic field have a significant effect on the solution in the adiabatic system,

and this is consistent with most previous assessments.

I next consider the effect radiative cooling and UV heating on the shock-tube so-

lution. In Figure E.2 the non-adiabatic HD and MHD numerical solutions are con-

trasted to the adiabatic analytic solution. I do not have a non-adiabatic analytic
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Figure E.1: Shock-tube simulations for HD (left panels) and MHD (right panels) with
ν and η as applied to the 3D simulations. The spatial resolution is 0.5 pc. The MHD
simulation features a 5µG uniform magnetic field perpendicular to the shock tube. Upper
panels show log gas number density and lower panels gas velocity at t = 1 Myr.

shock-tube solution. The inclusion of cooling and heating processes has a notice-

able effect on both HD and MHD shock tubes; both shocks propagate more slowly

through the ambient gas. This is not unexpected, since these processes extract en-

ergy which would otherwise be used up in the propagation of the shock. I note that

the MHD shock propagates faster than the HD shock, as also seen in the 3D simula-

tions presented in this Paper. The gas density behind the shock tube is higher than

the standard set up for both HD and MHD shock tubes with cooling and heating.

However, as seen in the 3D simulations, the gas density is higher behind the shock

for the MHD shock tube. In addition, the shock density is lower in the MHD shock.

This is evidence that the nonlinear interaction between the MHD and non-adiabatic

effects is a significant factor in the divergence of the HD and MHD solutions.

For the 1D shock-tube tests an artificial shock-dependent mass diffusion is unneces-

sary, but I include it in these experiments to verify that its inclusion in SN-driven

turbulence simulations does not induce excessive numerical diffusion. I consider a

range of mass shock diffusivity ζD ∈ [0, 10]fshock. From Figure E.3 I show that adding

mass diffusion, while providing numerical stability, produces a minor quantitative

difference in the gas density shock profile. The profiles are otherwise qualitatively
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Figure E.2: Comparison of the numerical non-adiabatic HD and MHD shock-tube solu-
tions, alongside the adiabatic analytic solution.
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Figure E.3: The non-adiabatic MHD shock-tube solution is contrasted with the HD solu-
tion (gray dashed) for a range of mass diffusion rates, ζD = [0, 2, 4, 10]fshock.
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Figure E.4: HD (left) and MHD (right) non-adiabatic shock-tube solutions for ν ∈
[ν0, 2ν0, 4ν0, 8ν0, 16ν0].

the same and the contrast with the HD profile is clearly down to the presence of the

magnetic effects rather than the mass diffusion. A remaining concern is that the

broadening of the mass profile in the MHD blast wave may arise from the high value

of the viscosity, ν = ν0 with ν0 = 0.0005cs kpc km s−1 in the 3D SN blast waves.

Although the estimates of microscopic viscosity in the real ISM are orders of mag-

nitude lower, the viscosity in the model represents instead a turbulent viscosity. To

model turbulence I require this dissipation scale applies above the grid scale, but suf-

ficiently below the SN forcing scale to accurately capture the energy spectrum down

to the smallest scales of interest in the model. I vary ν = [ν0, 2ν0, 4ν0, 8ν0, 16ν0]

with ζD = 2fshock kpc km s−1 and η = 0.0008 kpc km s−1 for the non-adiabatic 1D

shock-tube tests. This also effectively changes the magnetic Prandtl number in the

MHD simulations, defined as Pm = ν/η, which yields Pm = [0.625, 1.25, 2.5, 5, 10] cs.

Given that in these solutions cs � 1 km s−1, I also have Pm � 1

Some resulting density profiles are shown in Figure E.4. Both HD and MHD are

affected similarly by increasing viscosity. The shock front does not propagate as

fast for higher values of ν and the region behind the shock is smoothed. However

both HD and MHD shocks are not affected qualitatively as viscosity is increased.

The difference between the HD and MHD solutions cannot be explained by high

diffusivity.

E.2 Changing the ambient gas density

There is a significant change to the HD SN evolution when a moderately strong

uniform magnetic field is embedded in the ambient ISM. I conclude that this is in
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part due to the alteration of the radiative cooling and UV-heating characterstics in

response to the retrograde flow of gas into the remnant. The cooling and heating

profile of the ISM is highly sensitive to the gas density and temperature. I would like

to explore the response to varying ambient ISM density in the 3D MHD SN remnant

evolution in future work, but here I perform a preliminary low budget experiment

with 1D shock-tube tests of varying ambient gas density. I apply ambient gas

number density, n0 = 10−2, 10−1, 1, 10, 100 cm−1 to assess whether the magnetic

effects described in this Paper may be generalised beyond 1 cm−3. The range of

densities chosen reflect the range from diffuse, hot gas to dense, cold gas. The

initial entropy of the ambient gas is adjusted such that the ambient temperature

remains constant with net heating at zero appropriate to the initial gas density.

Specfic gas entropy is expressed as

s = cV [lnT − (γ − 1) ln ρ] ,

with T and ρ expressed in dimensionless code units, γ = 5/3 is the adiabatic index,

and cV is the specific heat capacity. Some initial configuration is represented by T0,

ρ0 and,

s0 = cV [lnT0 − (γ − 1) ln ρ0] .

I change the gas density such that ρ1 = kρ0, where k > 0, but keep the temperature

constant, such that T0 = T1. The two entropies, the new entropy s1 can be related

to the old value s0:

s1 = s0 + cV(γ − 1) [ln ρ0 − ln kρ0] ,

s1 = s0 + cV(1− γ) ln k. (E.1)

I use this expression to change gas density while keeping initial temperature con-

stant. In Figure E.5, I present the time profiles of distance travelled by the non-

adiabatic shock (analogous to remnant shell radius) for a range of ambient gas

densities. The effect of the magnetic field is measured by the difference between

the profiles for HD and MHD shocks of identical ambient gas density. As in the 3D

SN simulations, divergence of the MHD shock profile from the HD profile indicates

the effect of magnetic field. I find that the effect of the magnetic field increases as

the ambient density becomes more diffuse, due to decreasing plasma-β. Magnetic

effects are seen for all ambient densities apart from n = 100 cm−3. Magnetic effects
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Figure E.5: Shock radius for 1D non-adiabatic MHD shock-tube simulations (B0 = 5µG),
for a range of ambient gas densities. Solid lines indicate the profiles for HD models at the
given background density, while dashed lines of the same colour represent MHD models
of the same background density.

appear earlier in the lower ambient gas densities.

E.3 Effect of choice of cooling function

I have recently been running new SN simulations, using different cooling functions.

Preliminary results indicate that MHD effects with each cooling function considered.

However, I need to finish running the full suite of simulations, analyse the data and

then report the full results.
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